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Abstract

Our theoretical understanding of galaxy formation relies heavily on numerical simulations

to model the evolution of these systems over cosmic time. Most state-of-the-art simula-

tions incorporate stellar evolution to allow galaxies to evolve self-consistently. However,

since resolving single stars in galaxy-scale simulations is computationally unfeasible,

stellar evolution must be represented through effective prescriptions at scales below the

resolution of the simulation, an approach known as “sub-grid physics”. In this thesis,

we investigate how stellar evolution is implemented in two widely used galaxy formation

models: SMUGGLE (Marinacci et al., 2019) and FIRE-3 (Hopkins et al., 2022). We

compare and characterize the key features of their respective stellar evolution prescrip-

tions and explore the potential implications that these differences have on the evolution

of the interstellar medium (ISM) in terms of mass, chemical composition and star forma-

tion. We then use the stellar population code SEVN (Iorio et al., 2023) to develop a new

stellar evolution module for the SMUGGLE model. To achieve this, we create a software

pipeline that replicates SMUGGLE implementation of stellar evolution and, using input

obtained from SEVN, generates updated stellar evolution models. This pipeline can be

applied to other simulation frameworks that share the same stellar evolution infrastruc-

ture as SMUGGLE, such as the Illustris and IllustrisTNG models. Finally, we compare

the original SMUGGLE stellar evolution model with the updated version derived from

SEVN, finding that the newer model predicts a lower mass return to the ISM, but with a

higher level of metal enrichment. We highlight that pipeline developed in this thesis has

the potential to facilitate the generation of future stellar evolution models and to assist

in analyzing the results of galaxy simulations, especially when a precise determination

of the stellar mass return and total metal production are needed.
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1
Introduction

1.1 Galaxy formation and evolution

”Galaxies are gravitationally bound systems made of stars, interstellar matter(gas and

dust), stellar remnants (white dwarfs, neutron stars and black holes), and a large amount

of dark matter”(A. Cimatti, F. Fraternali, C. Nipoti, 2019) . Their discovery dates back

to the 16th century when mankind started building and using telescopes to study the

night sky. Still, until the 20th century, a great debate raged in the scientific community

between those who thought that the so-called ”Fuzzy-nebulae” were objects similar to

other diffuse sources, like planetary nebulae or HII regions, and those who believed that

these nebulae were much more distant objects, with the Milky Way being one of those.

The debate ended in the early 20th century when Edwin Hubble used variable stars,

called Cepheids, to measure the distance to the Andromeda Galaxy and found that this

distance was several orders of magnitude higher than other diffuse objects of the Milky

Way (Hubble, 1925). From this point on, the modern concept of galaxy emerged. Our

current understanding of the formation and evolution of galaxies is an interdisciplinary

endeavor that spans from sub-atomic physics to cosmology, passing through chemistry,

theory of stellar evolution, and magneto-hydrodynamics, among others. The incredible

variety of the phenomena at play in shaping galaxies’ properties and the large range of

scales that they span result in one of the most complicated and fascinating topics in

all modern science. The very first intuition that there might be a universal law that
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1 Introduction

Figure 1.1: Visual representation of the Hubble-de Vaucouleurs classification. Notice not

only how galaxies are distinguished between elliptical and spirals, but they are also classified

according to their apparent ellipticity or depending on the winding of spiral arms, the promi-

nence of the bulge, and the presence of a bar. (Antonio Ciccolella / M. De Leo).

governs how these systems evolve comes from the observations of their morphology and

the fact that galaxies obey precise scaling relations. The study of galaxy morphology

dates back to the early observations of the ”fuzzy nebulae” mentioned earlier. The cur-

rent classification is called the ”Hubble- de Vaucouleurs” classification (De Vaucouleurs,

1959), Fig. 1.1. This classification divides galaxies into two main types: ellipticals and

spirals. Over the years astronomers realized that this dichotomy corresponds most of

the time to the absence or presence of cold gas clouds collapsing and forming stars. It

has been proposed that the difference in morphology, as well as the difference within

the same morphological classes of galaxies, emerges from different formation histories

(A. Cimatti, F. Fraternali, C. Nipoti 2019 and reference therein). This hypothesis has

been corroborated by many researchers over the years. For instance, the abundance of a

specific type of galaxy in different cosmological environments is a strong indication that

different morphologies are a result of distinct types of evolutionary scenarios between

galaxy classes; we tend to find big elliptical galaxies in the central part of large galaxy

clusters while spiral galaxies and irregular tend to be more present in the outskirts of

these big DM potential wells (Balogh et al., 2004). Another key argument that suggests

a different evolutionary path between different morphological types comes from the so-

called ”downsizing scenario” (Thomas et al., 2010). This term indicates the tendency of
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1 Introduction

big, elliptical galaxies that do not show relevant SF to have formed earlier and faster with

respect to spiral galaxies, which most of the time are still forming stars. A satisfying

model for galaxy formation should explain then both morphological abundances and the

downsizing scenario. Not only morphological characteristics should drive our quest for a

comprehensive model for galaxy formation and evolution. In fact, researchers were able

to find tight scaling relations between many different properties of the galaxies. These

relations connect observed (or derived from observations) properties to other physical

quantities of galaxies, indicating a regularity in the way these systems form and evolve

(A. Cimatti, F. Fraternali, C. Nipoti, 2019). The most important are:

• Tully-Fisher relation (Tully, R. B. & Fisher, J. R., 1977), relating the speed of

rotation with the luminosity of spiral galaxies,

• the fundamental plane for elliptical galaxies, relating the surface brightness, the

effective radius and the velocity dispersion (Jørgensen et al., 2006);

• the star formation main sequence SFR ∝ Mβ,relating the SFR of star forming

galaxy to their mass (Popesso et al., 2022);

• Black Hole Mass-Bulge Mass Relation, relating the mass of the central black hole

with the mass of the galaxy’s bulge and its velocity dispersion, indicating that the

central black hole plays a fundamental role in the evolution of galaxies (Marconi

& Hunt, 2003).

It is important to highlight that a ”correct” model describing how galaxies form, evolve,

and interact must reproduce these observed relations and the galaxies’ morphological

mix. This requires a detailed description of the dynamical properties of such objects.

Our current understanding of galaxies is based on the notion that these systems form

from the collapse, virialization, and subsequent hierarchical growth of the perturbation

from the primordial matter density distribution in the Universe. If we want to build a

theory that describes the evolution and formation of galaxies, we then need to assume

a cosmology. Our current cosmological model for the Universe, which is able to satis-

factorily explain most of the observational evidence, is called ΛCDM, a geometrically

flat universe made of five different components: Radiation, Neutrinos, Baryonic mat-

ter (matter that interacts with the electromagnetic filed), Dark matter (that does not

interact with the electromagnetic field), Dark energy (a component of unknown origin

that counters gravitational attraction on a cosmological level). Cosmologists use the

Ωi parameter to quantify how much of a specific component is present in the Universe.
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1 Introduction

They define Ωi =
ρi
ρc

where ρi is the energy density of a component i and ρc =
3H2

8πG
is

the critical density that the Universe needs to have in order to have a flat geometry.

Current measurements of density parameters (DESI Collaboration et al., 2024; Planck

Collaboration et al., 2020) give Ωm ∼ 0.315 (matter, including dark matter and baryonic

matter), ΩΛ ∼ 0.685 (Dark Energy) with Ωb ∼ 0.049 (Baryonic Matter) and Ωr ∼ 0.0001

(Radiation). The cosmological context in the formation of galaxies is important for a

variety of reasons. The most evident is related to how much dark matter (DM) and

baryonic matter is present in the Universe. The former composes 85% of the total bud-

get of the matter while the latter accounts for the remaining 15%. This disparity plays

a fundamental role in the formation and evolution of galaxies, in fact, the gas (baryonic

matter) is dragged where DM clusters, forming virialized structures called DM halos,

evolving in the potential well provided by these halos. A different ratio between DM

and baryonic matter would result in different appearance and formation processes of

galaxies in the Universe. When considering the hierarchical growth hypothesis –a direct

consequence of the ΛCDM model – where smaller virialized dark matter halos merge to

form more massive ones, we obtain a scenario in which baryonic systems formed within

these small halos do not evolve in isolation. Instead, they interact and eventually merge,

with these processes playing a significant role in the evolution of the galaxies hosted by

the halos.

Gravitational interactions are not the only phenomenon at play in shaping the evolution

of galaxies. Baryons differ from DM in their capacity to interact with the electromagnetic

field and this introduces a plethora of processes that influence the evolution of the bary-

onic component of the Universe. For instance, baryons can emit photons that carry away

energy, allowing for further collapse of this component after it becomes self-gravitating,

and can also exchange energy and momentum through collisions.

Moreover, gas clouds collapse and form stars. Stars are the main light emitters in the

optical UV and NIR part of the electomagnetic spectrum. The constant output of en-

ergy stars give modify the appearence of the ISM through radiation, mass loss during

the lifetime (stellar winds), and endlife events (Supernovae and planetary nebulae.) All

these sources of energy from stars couple with the ISM in various ways. For instance,

radiation can inject momentum and push the interstellar gas through radiation pressure

and can ionize the gas. Winds can also inject momentum and shock the ISM. Supernovae

explosions are able to expel the gas in small system and drive the mixing of the ISM.

Modeling the evolution of galaxies then requires calculating correctly the gravitational

potential they live and evolve in, understanding and modeling how gas interacts and

becomes stars, and describing how stars and the AGN modify the environment. All of
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1 Introduction

this must be carried out using an accurate model based on (differential) equations that

quantify and describe each mechanism that we think could be relevant in the context

of galaxy formation and evolution. In order to quantify how the simultaneous effects

of all these aspects in galaxy formation interface with each other during the evolution

of the Universe, we need to create a numerical model capable of solving this complex

mathematical problem. Astrophysicists then started to produce and test models that

encoded physical processes in numerical simulations. This type of theoretical research

aims at improving all the aspects of modeling based on computational techniques, from

developing and coding more efficient ways to solve differential equations to implementing

more physically-faithful formulations that describe a specific phenomenon (for example

how to implement stellar evolution inside a simulation).

This thesis focuses on comparing different implementations of stellar evolution in simula-

tions of galaxy formation with the ultimate goal of refining how stellar evolution processes

are included in the SMUGGLE model, ”an explicit and comprehensive stellar feedback

model for the moving-mesh code AREPO” (Marinacci et al., 2019). We decided to inves-

tigate this topic since stellar evolution in galaxies is one of the crucial aspects in shaping

their evolution. Galaxies are the birthplace of most of the stars in the Universe and

the environment in which stars live, evolve, and die. The continuous interplay between

the interstellar medium (ISM) and the stars that live there makes accurate modeling of

stellar evolution a fundamental priority if we aim to obtain realistically-looking objects

as a result of a cosmological hydrodynamic simulation.

The ISM is profoundly influenced by the stars that inhabit it in various ways. First of

all massive stars (namely O/B type stars) emit photons capable of ionizing the hydrogen

atoms (Eν ≥ 13.6 eV). Regions where the rate at which the gas is ionized at the same

rate at which it recombines are defined as being in photoionization equilibrium. This

continuous injection of energy from the absorption of photons heats the gas around these

stars to (T ≈ 7000–13000K). Recombination, instead, results in the prominent emission

lines of metals and hydrogen so that this region is kept in equilibrium between the en-

ergy injected by stellar photons and emission from recombination. The presence of HII

regions corresponds to the presence of massive stars with a lifetime of the order ∼ 106 yr.

We can then use the presence of the HII region as a tracer of active star formation (SF)

in galaxies, approximating the SF timescale as one of the life of massive stars. Having

a correct model for massive stars is then fundamental to having an accurate description

of ISM physics.

Another process by which stars modify the ISM is by injecting momentum and energy

through stellar winds. These winds influence the properties of the ISM by increasing the
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overall temperature, changing its density, and creating shocks and cavities. As Jeans

mass (i.e. the critical mass for gravitational collapse) is inversely proportional to the

square root of the gas density and directly proportional to the square of the tempera-

ture, we expect winds to influence the star formation rate of the simulation in both ways,

both increasing it by compression and diminishing it by increasing overall temperature

(Lancaster et al., 2021). The nature of the complex relation between stellar winds and

star formation must then be investigated in detail, improving models and understanding

how they impact the outcome of the simulations.

Another key mechanism of energy and momentum injection in the ISM is SNe explosions.

SNe are thought to be responsible for a variety of effects in the ISM since they deposit on

average an energy of ESNII ∼ 1051 erg at the moment of the explosion. Because of this

large injection of energy, SN explosions are believed to be responsible for both triggering

SF, by compressing the ISM and depleting of gas smaller gravitational bound systems

that have binding energy lower than ESNII . SNII explosions are also the cause of the

onset of the so-called galactic fountain cycle, which is a main driver for the mixing of

the expelled material and the CGM in galaxies and a key phenomenon that shapes their

evolution (Fraternali, 2017).

In addition to the dynamical effects that they have on the ISM, stars are the driver of

the chemical enrichment of the interstellar medium. Nuclear reactions produce heavy

elements up to iron (the heaviest element that can be produced by exothermic fusion

channels), SNII explosions can produce heavier elements in the explosion mechanism

through neutron capture processes. Therefore, stellar evolution pollutes the ISM chang-

ing its metallicity when mass is released by events occurring at the end of the life of a star

or through stellar winds ejections. The chemical enrichment of the ISM has dramatic

effects. Astrophysical gases are able to lose energy via the emission of photons, in order

to quantify this energy loss as a function of the gas temperature and its composition

astrophysicists defined the cooling function Λ = Λ(Z, T ). This function encodes the rate

of energy loss for unit time and for unit mass for gas at temperature T with metallicity

Z. The importance of metals in the cooling function is given by their ability to enhance

the cooling rate of the system by emitting photons through forbidden lines. A cloud of

gas that cools tends to increase its density and lower its temperature, ultimately leading

to the formation of giant molecular clouds (GMC). GMC are the main sites where star

formation occurs (Chevance et al., 2022). This connection shows that cooling is related

to star formation and that different levels of metal pollution will result in different cool-

ing functions that will change the SF history of a given galaxy. Chemical enrichment is

also responsible for the formation of dust grains, these grains change the appearance of
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the ISM in galaxies, they provide shielding for GMC from ionizing radiation and they

reprocesses light emitted from stars changing the appearance of ISM by blocking visible

and UV light, and emit in the near-infrared band.

Finally, the mass ejected from stars as a consequence of stellar evolution processes can

be reused to make new stars. Even if not all the gas is eventually recycled in the younger

stellar generations, we expect that the more the mass is injected back into the ISM,

the more stars the galaxy will form owing to the availability of a larger quantity of gas.

We can then assume that, in simulations of galaxy formation, the star formation rate

depends on the stellar model implemented.

As already discussed, the aim of this thesis is to improve the modeling of stellar evolution

in the SMUGGLE model, which is part of the moving-mesh code AREPO (Weinberger

et al., 2020). In the framework of the model, stars cannot be described as a single entity

due to memory and computational limitations, but rather as star particles representing a

single simple stellar population (SSP), an ensemble of stars distributed following a given

initial mass function (IMF) all born in the same star formation event. To gain a deep

understanding of how different choices in the detailed implementation of the model for

stellar evolution will impact the simulations, we will describe in the next subsections of

this introductory chapter both the code AREPO and how all the key aspects related

to stellar physics and feedback are currently implemented in SMUGGLE. In Chapter 2

we will then describe in detail how stellar evolution is implemented in SMUGGLE and

another major framework, namely the FIRE (Hopkins et al., 2022) model, that will be

used for comparison. In Chapter 3 we will show how we used the code SEVN (Iorio

et al., 2023) to build an updated stellar evolution model that can be used for all the

simulations that share a similar code infrastructure with SMUGGLE. In Chapter 4 we

will then discuss the results obtained with SEVN and compare them with the models

presented in Chapter 2. Lastly, in Chapter 5 we will summarize the results of this work

and we will briefly introduce future potential improvements for stellar evolution models

in hydrodynamical simulations of galaxy formation and evolution.

1.2 Historical recap of numerical methods

The use of numerical methods is widespread and spans all disciplines that use some kind

of mathematical modelization. These methods trace back to ancient civilizations, such

as Ancient Greek and even Babylonian civilizations. From this epoch, we find archaeo-

logical proofs of numerical algorithms used to approximate the square root of numbers

and examples of linear interpolations between data points to approximate what we now
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call functions (Høyrup, 2002). It is then clear that since the very dawn of mathematics,

many scholars adopted numerical approximation to gain insight into mathematics itself

and natural sciences. In the seventeenth century, Physics emerged as a quantitative sci-

ence and the potential use of numerical methods sparked. In fact, at the very foundations

of Physics stands the assumption that we can describe a generic system of bodies with

a mathematical model. Usually, a model is formalized in a set of arbitrarily complicated

differential equations whose solution describes the result of an experiment.

We can define a differential equation as an equation in which the unknown quantities

are functions and their derivatives. For example, Newton’s second law is a differential

equation, whose solution is the function that describes the position as a function of

time. In Physics, we assess the validity of a model by solving its constitutive differential

equations and by comparing such solutions with the experimental data. This requires

methods that can find the solutions of differential equations in the first place.

From the very moment calculus was invented/discovered a considerable amount of work

has been carried out to find analytic solutions and new ways to approach them, for

example with the definition of Sobolev spaces and the introduction of the weak formula-

tion (Adams, Robert A. & Fournier, John, 1975). While the quantity of problems that

theoretical physicists and mathematicians were able to solve analytically is remarkable,

finding an analytical solution is a very complicated and time-consuming task with no

certainty of success. Especially for complicated, non-linear partial differential equations

finding a general analytical solution might be unfeasible.

After the concept of derivative was introduced by Newton and Leibnitz, it was imme-

diately clear the possibility of getting an approximate value of this quantity by simply

taking the definition:
df(x)

dx
∼ f(x+∆x)− f(x)

∆x
(1.1)

So, if it is possible to approximate derivatives, it is possible to approximate the derivatives

in differential equations. This methodology can approximate differential dx as discrete

difference ∆x and get a numerical approximation of all problems that present these

mathematical entities, like integrals, derivatives, and, most of all, differential equations.

Until the first half of the 20th century, this approach required to perform all the calcula-

tions involved by hand. Given the considerable amount of time needed to carry out these

calculations in such a way, most of the work concentrated on getting analytical solutions

over studying better numerical methods. This situation changed completely after the

invention of Von Neumann machines (Von Neumann, 1945), in which the architecture of

the modern computer was theorized. The computer allowed for very fast computation of
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a number of operations unimaginable before which output could be kept in memory to

perform other calculations. From this point, mathematicians started to search for more

accurate and less computationally expansive methods to solve differential equations us-

ing the computer. Astrophysics was the perfect ground to test these new ideas most of

the models that presented themselves in astrophysics consisted of complicated systems

of partial differential equations. With the computer, astrophysicists were able to find

approximate solutions to equations that were until that moment, practically unsolvable.

With the advent of numerical methods new and more refined models emerged boosting

the research in the field.

1.3 Numerical methods in Astrophysics

As mentioned in the previous section, the use of numerical methods is widespread in

astrophysics. Even the simplest problems, like for example the three-body problem, in

which three point-like masses interact only through gravitational forces, cannot be solved

analytically for a general set of initial conditions and the use of numerical simulations is

needed to investigate all the parameter space. Therefore, it is not surprising that compu-

tational astrophysics has become a key discipline in modern astrophysics research. This

is particularly true in cosmology and the study of galaxy and structure formation in the

Universe. One of the main research branches in cosmology is the study of how the initial

perturbation in the mass density field (i.e. the density contrast δ = δρ/ρ) leads to the

formation of the structure we observe in the present day Universe. Investigating the

evolution of the density contrast requires solving a continuous problem in which each

infinitesimal element of space has a gravitational force acting on it and makes up for the

total potential of the gravitational field. This introduces the very first assumption that

we assume when we perform a numerical analysis of a system governed by differential

equations: we must discretize the problem to make it solvable by a computer. It is pos-

sible to solve analytically the evolution of the perturbations in linear regime (P. Coles,

F. Lucchin, 2002), still, when perturbations start to become highly nonlinear (δ >> 1)

the problem must be tackled using simulations to to get solutions and data to test our

models on observations.

Most cosmological simulations are performed using DM only, i.e. matter that in-

teracts only through gravity. These tools allow us to find a numerical solution for the

evolution of the total gravitational potential generated by an initial density field solving
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the famous Laplace equation:

∇2Φ(x⃗) = 4πGρ(x⃗) (1.2)

Where Φ is the gravitational potential, G is the gravitational constant, and ρ(x⃗) is the

mass density field. After we solve for the potential, we can evolve the system using

the equation of dynamics, and assuming a stationary potential, then we recompute the

potential and iterate this procedure.

In our Universe also matter that interacts with the electromagnetic field is present. In

the current cosmological model (ΛCDM) the contribution to the matter-energy budget

of the Universe of the different components is ΩΛ ≈ 0.685 for the density parameter of

dark energy, Ωc ≈ 0.264 for cold dark matter, and Ωb ≈ 0.049. Therefore, the matter

contribution is dominated by dark matter, and this is why historically many cosmo-

logical simulations are carried out without the baryonic components. Years of research

in cosmology showed that the formation of structures in the Universe is driven by DM

(A. Cimatti, F. Fraternali, C. Nipoti, 2019), with baryons consequentially falling where

DM clumps. Dark energy becomes relevant only at late times z ≈ 1, this component

is necessary for explaining the observed acceleration of the universe (Riess et al., 1998)

and its inferred flat geometry from the cosmic microwave background analysis (Spergel

et al., 2003).

As mentioned above, DM drives the collapse and therefore the evolution of structures,

still we can only observe baryonic matter. The framework of this thesis is the sub-

grid physics in simulations of Milky-Way type galaxies’ evolution and the modelization

of baryonic processes that happen inside of them. Baryons interact with the electro-

magnetic field and can emit photons. This crucial difference between dark matter and

baryonic matter allows the latter to cool and collapse further after reaching virial equi-

librium, as a virialized baryonic structure can lose energy through photon emission.

Another key difference is that baryonic matter is collisional, meaning that particles can

interact and exchange energy and momentum through electromagnetic collisions. These

interactions give rise to viscosity, turbulence, feedback mechanisms, and pressure gra-

dients. Together, these features create a much more complex and varied structure for

baryonic matter, that we can indeed observe directly with telescopes. To accurately de-

scribe these effects, it is necessary to incorporate hydrodynamical equations, which can

describe accurately the dynamics of gas, taking in account all the effects listed before.

We can write the hydrodynamical equations, also known as Euler equations, neglecting
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magnetic fields as: 

∂ρ

∂t
+∇ · (ρv⃗) = 0

∂(ρu⃗)

∂t
+∇ · (ρv⃗v⃗T + P ) = 0

∂E

∂t
+∇ · (E + P )v⃗ = 0

(1.3)

where ρ is the density, v⃗ is the velocity, P is the pressure, E is the total energy density

of the fluid. The energy density is defined as:

E =
ρv2

2
+

P

γ − 1
(1.4)

where we can clearly notice that the first part is associated to the motion of the fluid

cell and the second is related to the motion of microscopic particle inside the fluid cell

itself (i.e., thermal motion). To solve system (1.3) we need another equation that relates

the pressure with energy, this is the so-called equation of state and can assume different

forms depending on the assumption we made on the system. In the case of perfect

gas (the most common assumption adopted in cosmological simulations) we can write

P = (γ−1)ρe where γ is the adiabatic index and e is the specific internal energy (energy

per unit mass).

We can write Euler equations (1.3) adopting a vector notation for simplicity:

U =


ρ

ρv⃗

ρe

 =


ρ

ρv⃗

ρu+ 1
2
ρv2

 (1.5)

where ρ is the mass density, v⃗ is the velocity field, and e = u + 1/2ρv2 is the total

energy per unit mass; u gives the thermal energy per unit mass, which for an ideal gas is

fully determined by the temperature. All these quantities are a function of the position

and time, so we have U = U(x⃗, t). Each component of the vector U corresponds to a

conserved quantity if integrated over a (control) volume, we can then write analogously

the fluxes for each quantity as:

F(U) =


ρv⃗

ρv⃗v⃗T + P

(ρe+ P )v⃗

 (1.6)

In this way we can write all the Euler equations as a single (vector) conservation equation:

∂U

∂t
+∇ · F = 0 (1.7)

16



1 Introduction

In galaxy simulations, and more in general in all large-scale simulations that model not

only gravity, including the hydrodynamical equations and solve them numerically is not

sufficient to obtain realistic results. Our current computational capabilities do not allow

us to resolve the smallest scales that are involved in shaping a galaxy evolution, while

simultaneously describing the full cosmological context in which such evolution takes

place. For example, we are not able to simulate every single star inside the galaxy as a

single entity since their number in a galaxy similar to the Milky Way averages ∼ 1011.

Simulating a problem with such several entities would be unfeasible due to both time and

memory limitations. These computational limitations require an approximate treatment

in which we model the collective effects of an ensemble of unresolved physical entities

inside a single cell of a simulation. This is known as sub-grid physics.

The work in this thesis focuses on describing, comparing, and refining the stellar evo-

lution model implemented in galaxy formation simulations. As we said, considering all

the stars in a galaxy as single entities would be computationally unobtainable, so all

stars burn in the same star formation event are grouped together and evolved as single

entities. The ensemble of all the stars burning in the same stellar formation event is

called SSP. In our work we analyze and compare how SSP evolution presents in many

different works and how we were able to build a new model for SSP evolution (we will

refer to SSP evolution also as stellar evolution, since in the context of these types of

simulation they are equivalent).

In order to understand how different models could impact the simulation in which they

are implemented we first need to introduce the context in which they insert. What fol-

lows then is a description of all the steps needed to initialize a computer a cosmological

simulation. We first describe which are the main approaches to discretize the problem

and how to solve gravity. Then we introduce AREPO, the code in which we will imple-

ment our new stellar evolution model. We will describe how it solves hydrodynamical

equations. Lastly, we introduce SMUGGLE and we will show how unresolved physical

mechanisms are implemented in galaxy formation simulations.

1.4 Discretization

To write a code that solves numerically a set of differential equations we need to discretize

the domain of the problem. Functions that are solutions of differential equations repre-

senting a concrete system are, in general, defined in such a way: f : A ⊂ Rn → B ⊂ Rm,

this means that solutions are defined between uncountable sets. This peculiarity forces

us to approximate a continuous problem into a finite set of discrete values to make it
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solvable by a machine with finite memory. In cosmological simulations, we deal with

functions that go from a set of four coordinates (indicating the positions in space and

time) to a scalar value (the mass density for example) or a vector (the velocity). When

we deal with equations of hydrodynamics, we can write such differential equations in

two ways. We can choose to study the evolution of a fluid quantity at a point in space

considering the partial time derivative and the variation due to the motion of the fluid

(Eulerian formulation), or we can follow a fluid element and describe how its properties

change as it moves (Lagrangian formulation). These two approaches correspond to two

different formulations of the equations and are tightly connected to the way we solve

the numerical problem. Following these two types of approaches, we can discretize the

problem in three ways. We can divide the domain of the simulation in a grid, assign

to each element of this mesh the quantities we are interested in, and then calculate the

evolution of such quantities in each grid element. Alternatively, we can discretize the

fluid by tracking fluid elements as they move with the flow, following their evolution over

time. This approach models the interaction between these elements based on the govern-

ing physical laws, such as the conservation of mass, momentum, and energy. Finally, we

can use a combination of the two previous methodologies. These approaches are known

as Eulerian methods, Lagrangian methods, and Arbitrary Lagrangian-Eulerian methods,

respectively. In the next subsections, we will introduce and briefly describe their salient

traits.

1.4.1 Eulerian methods

As anticipated, in Eulerian codes the discretization is made by partitioning the simulation

domain in a mesh. The mesh appears as a collection of grid elements, and in Eulerian

methods, we study the evolution of the quantity of interest (such as density, momentum,

etc.) inside each grid element. The choice of the numerical scheme to solve the evolution

depends on the required order of accuracy and the type of physical problem that we

are to solve (for example, upwind methods work better for describing transport, while

FTCS for diffusion problems; Brighenti 2021). In Eulerian methods, different approaches

to approximate the quantities inside a grid cell can be adopted. For instance, in the finite

volume approach the quantity of interest is treated as an average value over the entire

grid cell (or control volume), whereas in finite difference methods, the quantity of interest

is typically considered as a value at a specific point in the grid cell or at the grid nodes

(usually at the cell center).

When treating general problems, shocks (discontinuous solutions whose derivatives
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do not exist everywhere) can occur. This imposes stringent requirements on the numer-

ical scheme adopted to solve the problem. To mitigate numerical issues associated with

shocks we need a conservative scheme to ensure stability in the numerical solution (Eleu-

terio F. Toro, 2009). One of the most widely used methods are the Godunov methods.

These methods consist of calculating the fluxes of physical quantities at the boundary

of the cells by solving a Riemann problem (i.e. a set of hyperbolic partial differential

equations with initial conditions that have a single discontinuity in the domain) for each

mesh element.

Still, Eulerian methods present problems in mixing, and complex algorithms to locally

increase the grid resolution in the region of interest (Adaptive Mesh Refinement, AMR

for short, Berger & Colella 1989) are needed if an accurate set of results is desired. Eule-

rian codes are also not invariant under Galilean transformations (Springel, 2010b), this

might be a problem in cases where high relative speeds (v ≫ cs) between entities in the

simulations are present, giving rise to artifacts that can compromise the validity of the

results.

1.4.2 Lagrangian methods

The Lagrangian method approximates a problem by breaking it down into a finite number

of particles, each representing a portion of the system’s mass. These particles are then

tracked individually, with their motion governed by the relevant equations of the system.

Each entity is a particle that carries physical quantities like energy, momentum, and mass

and can interact with its surroundings. There are many different approaches that use this

scheme, the most used in astrophysics is the so-called Smoothed Particles Hydrodynamics

(SPH) technique (Springel, 2010a). In this method particle properties are ’smoothed’

over a certain volume using a kernel function, allowing the method to approximate

continuous fluid quantities. The main advantage is that the resolution increases with the

density of particles, making more denser regions better resolved by default. This comes

at the price of poor shock resolution and low order accuracy for contact discontinuities

given the fact that density and pressure are smoothed around a particle.

1.4.3 Arbitrary Lagrangian-Eulerian codes

A third approach to discretization of the problems is to merge both the previously dis-

cussed methods to obtain a hybrid approach. In this class of numerical schems for hydro-

dynamics, Arbitrary Lagrangian-Eulerian (ALE; Donea et al. 2004) methods represent a

flexible way to combine the advantages of the Eulerian and Lagrangian approaches. The
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idea of this type of approach is to let the grid move and adapt to different environments

by evolving the cell-generating point and then reconstruct the grid at each timestep.

This allows a dynamical change in the grid resolution. Implementing a method based

on this approach is no easy task, many control algorithms to preserve the regularity of

the continouosly updating mesh have to be implemented. Years of research perfected

this type of approach, whose use became more widespread for galaxy simulations in the

recent past, given its advantages for full adaptivity of the mesh resolution and accuracy

in describing fluid discontinuities. The work of this thesis concentrate in implementing

a new stellar evolution model in a Milky-Way type galaxy simulation. This simulation

is performed using the code AREPO, a cosmological magnetohydrodynamical moving-

mesh simulation code. AREPO is an ALE code that uses a moving Voronoi mash to

solve hydrodynamical equation with a finite volume approach. In section 1.6 we will

describe in detail the features of the code.

1.5 N-body solvers

In astrophysics, the larger the spatial scale examined the more gravity becomes the pre-

dominant force. In this sense, the gravitational field (and in particular the one produced

by the dark matter component) is the driver of galaxy evolution. Therefore, if we aim to

faithfully reproduce in a simulation the evolution of a (Milky Way-type) galaxy, we need

to solve for the gravitational potential at each time step to model gravitational dynamics

and accurately evolve the system in time.

We are interested in describing how the AREPO code solves gravity since it is the frame-

work in which this thesis work is carried out. AREPO is an ALE code, we follow the

dynamics of a set of N particles that generate the gravitational potential (and the hy-

drodynamic mesh as well). This section will show how to integrate particle evolution

through gravitational interaction. The set of equations we need to solve is:¨⃗xi = −∇iΦ(x⃗i)

Φ(x⃗) = −G∑N
j=1

mj

[(x⃗−x⃗j)2+ϵ2]1/2

(1.8)

Where x⃗i is the position of the ith particle, x⃗ is a generic position, mj is the mass of

the jth particle, and ϵ is the softening parameter included to ensure the collisionless

behavior of the particles in the simulation. The initial distribution of particles depends

on the type of simulation we want to carry out, if we are to simulate a Milky Way-type

galaxy in an isolated environment we use an initial condition that resembles a galaxy at

equilibrium.
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The system of equations is divided into two parts, a dynamical part (the first equation)

and the potential (the second equation). The first equation is Newton’s second law with

the only force acting on the particle being gravity. A widely known theorem called first-

order reduction states that all ordinary differential equations (ODE) of order n can be

written as a system of n first-order differential equations. In this sense, we can rewrite

the first equation in (1.8) as: v̇i = −∇Φ(xi)

ẋi = vi
(1.9)

Where v̇i is the time derivative of the ith particle’s velocity vector, Φ is the gravitational

potential and ẋi is the time derivative of the ith particle’s position. AREPO solves

equations (1.9) using a second order leapfrog scheme (Weinberger et al., 2020). To solve

the numerical system (1.9) we need to compute the potential first. The straightforward

method would be the so-called direct summation: at the position of a particle, we cal-

culate the potential acting on it summing directly all the contribution of all the other

particles in the simulation. The problem of this method is that the computation needed

to calculate the potential is proportional to N2 where N is the number of particles.

This poor scalability makes the computation unfeasible when we enhance the number

of particles to increase the simulation resolution. It is possible to improve scalability

using algorithms that approximate the contribution of groups of cells. These are the

Particle-mesh and the Tree algorithms, that will be described in the next subsections.

1.5.1 PM-Method

(From slides of HPC course, Baldi) The particle-mash (PM) method (R.W Hockney,

J.W Eastwood, 1988) allows us to compute the gravitational potential in a faster way

compared to direct summation by defining a discrete grid inside the simulation domain

and assigning to each grid element a mass density. More specifically we exploit the the

properties in Fourier space of the Poisson equation (1.2). Assuming the initial density

distribution, we can write down equation (1.2)’s Green function. In general, for a linear

differential equation, we can write the solution as the convolution of the source term of

the field (in our case the density field) and the Green function:

Φ(x⃗) =

∫
g(x⃗− x⃗′)ρ(x⃗′) dx⃗′, (1.10)

where Φ(x⃗) is the gravitational potential, g is the green function of the equation and ρ

is the mass density distribution. One of the key results of Fourier analysis is that the

Fourier transform of a convolution is simply the multiplication of the Fourier transform
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of the functions being convolved, equation (1.10) then becomes Φ̂(k⃗) = ĝ(k⃗) · ρ̂(k⃗), where
the hats indicate the Fourier transform. To get the potential we need to compute the

Fourier transform of the density field, then multiply it with the Fourier transform of

the Green function to obtain the Fourier transform of the potential, and finally compute

the inverse Fourier transform of the Φ̂(k⃗). Since we are working with discrete particles,

we need to evaluate a continuous density field in the first place. Doing this requires

initializing a discrete grid and assigning to each grid cell a value of such a continuous

density field.

We first define for each particle a shape function called S(x⃗), which is the volume occupied

by a particle in which we have mass density distribution. After we define a shape

function for each particle, we search for all the grid cells the intersection between the

cell itself, and the shape function of all the particles. In this way, we compute the

density field. After we get the density field we can proceed with the algorithm and

evaluate the gravitational potential. The great advantage of this method is the fact that

the number of computations needed scales linearly with the number of the grid cells,

this allows to implement finer grid without an overwhelming computational cost. Still,

at scales comparable to the grid length, a considerable amount of information on the

particle distribution at small scales is lost due to the grid approximation. This might be

a problem if we aim to study highly non-linear regimes in which the density field span

over many orders of magnitude. The PM algorithm is well suited for the computation

of large almost uniform density field but might fail in situations where large ranges in

density values or substantial particle clustering are present.

1.5.2 Tree-method

A different method to solve the N-body problem is the so-called Tree algorithm (Barnes

& Hut, 1986). In this algorithm, the simulation domain is recursively divided into sub-

domains (tree nodes) forming the different levels of a hierarchical tree structure. Firstly,

the algorithm divides the domain into eight identical cubes, for each particle a flag in-

dicates to which cube it belongs. This is the level 1 assignment, then the procedure is

iterated for each cube of level 1. So each cube is divided into 8 smaller cubes and for

each particle, a flag indicates to which cube is assigned, this is a level 2 assignment. This

procedure is iterated M-times until every cube in level M has just one particle. After

the algorithm finishes every particle has an ”address” indicated by the nodes it occupies

on the corresponding level. In this way, the algorithm can choose, depending on the

distance to the target position for which the acceleration is needed, to approximate the
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gravitational potential of an entire level and all the particles in it with a multipole ex-

pansion. The accuracy of the approximation can be adjusted by defining what “distant”

means. This is done by setting a threshold for the angle under which a given tree node

(i.e. a group of particles) is “seen” from a target particle on which the potential is to

be computed. Such a threshold is called an opening angle. This procedure is carried out

for all the particles.

The main advantage of this method is the fact that no intrinsic restriction to the dynamic

range is present; in fact, spatial resolution automatically increases in regions where par-

ticles cluster. The main disadvantage of the tree method is that for highly homogeneous

matter distributions the almost vanishing force on each particle is the result of the can-

cellation of many larger contributions. This makes it numerically expensive to obtain

high accuracy in the force calculation in this particular configuration. The number of

operations needed to compute the gravitational acceleration scales as O(N log[N]), with

N indicating the particle number, which is far better than direct summation, but worse

than the PM method.

1.5.3 Tree-PM Method

In order to overcome the disadvantages of the Tree method, and to exploit the computa-

tional efficiency of the PM method, many N-body codes (including AREPO) implement

a combination of the Tree and PM algorithms, also known as the Tree-PM method (Bode

& Ostriker, 2003). In this algorithm the Fourier transform of the potential ϕk = 4πG
k2
ρk

is split in a long range potential ϕlong
k = ϕk exp(−k2r2s), computed using the PM method

(rs is the force splitting scale), and a short range part σshort
k = ϕk

[
1 − exp

(
− k2

r2s

)]
,

computed using the tree method after we perform a inverse Fourier transform. In this

way we exploit the accuracy of the tree algorithm for small distances, but we can still

perform more accurate and fast calculation of long range forces using the PM method.

All of this comes at the cost of some inaccuracy in the potential value when the distance

is equal to rs, which is chosen to be larger than the PM cell size so that the error on the

gravitational force can be minimized.

1.6 AREPO

AREPO is multipurpose gravitational and finite-volume magnetohydrodynamical (MHD)

moving mesh code for cosmic structure formation and more general astrophysical prob-

lems (Weinberger et al., 2020). AREPO is one of the most up-to-date gravitational
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solvers that can solve magneto-hydrodynamical equations. Several important simulation

projects use AREPO as the backbone of their work. This code has been used by many

researchers through the years, from seminal works like the Illustris simulation (Vogels-

berger et al., 2014) to the next generation of such project, IllustrisTNG (Pillepich et al.,

2018) and also the Auriga simulations (Grand et al., 2017). As anticipated, AREPO

is an ALE code, each run initializes a set of discrete particles that sample the initial

conditions. For a galaxy simulation, these would be all the components of the galaxy,

namely dark matter, stars, and gas. From these points, and only for the particles repre-

senting the gas, a grid is generated, using the Voronoi tessellation (see 1.6.1 for details).

The physical properties of these gas particles, such as mass, momentum, and energy, are

spread over the volume of the generated cell, in this sense AREPO uses a finite volume

approach to solve hydrodynamics. Each particle in the simulation is assigned with a

specific type, and each type is treated differently by the code. For instance, in a galaxy

formation simulation performed with SMUGGLE we have:

• type 0: The particles of this type are considered to represent gas. Only for this

type hydrodynamics is computed (see subsection 1.6.2) at the interface between

other particles of the same type.

• type 1: These are dark matter particles that provide most of the gravitational

potential well.

• type 2 and 3 these are particles counted as ”old” stars from the bulge and the

disk, respectively. They are treated as non-collisional components not undergoing

stellar evolution.

• type 4: these are stellar particles that are initialized after a star formation event.

These stars go through evolution and affect the ISM via feedback processes (see

section 1.8).

Depending on the type of particle, different calculations are performed. For types 1, 2,

and 3 AREPO solves the equations of collisionless particle dynamics in an expanding

flat spacetime described by the Friedmann–Lemâıtre–Robertson–Walker metric. The

calculations are performed in comoving coordinates. In this way, we can select in the

run options the comoving edge of the simulation box that will remain constant through

the time evolution. The cosmological evolution of the simulation is calculated assuming a

ΛCDM flat cosmology, in line with the current best-fitting cosmological model. The code

solves the evolution of non-collisional components, stars, and dark matter, integrating
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the non-collisional Boltzmann equation, also known as the Valsov equation:

df

dt
=
∂f

∂t
+
∂f

∂x⃗

v⃗

a
+
∂f

∂v⃗

(∇Φ

a2
+
ȧ

a
v⃗

)
= 0 (1.11)

Where a is the scale factor, f is the phase-space distribution function, v⃗ is the velocity

of the particle, and Φ is the gravitational potential. The latter is calculated using a

Tree-PM algorithm similar to the one described in subsection 1.5.3.

Astrophysical gas is collisional, in order to solve for this component we need to write the

hydrodynamic equations, AREPO allow also the implementation of magnetic fields. For

type 0 particles AREPO solves the equations of (magneto)hydrodynamics using a second-

order accurate finite-volume discretization with ρ, v⃗, and B⃗ stored as properties of the cell

at its center averaged over the volume. Gradients are estimated with the corresponding

values for neighboring cells. The mesh is generated using a Voronoi tessellation (see

subsection 1.6.1). Using the gradients, the primitive variables are extrapolated to all

mesh interfaces, for which fluxes are calculated using a second order Godunov method

at each interface (see subsection 1.6.2).

1.6.1 Computational mesh

To calculate the fluxes of physical quantities between points we need to define a mesh.

The mash interfaces are determined by a Voronoi mesh. Every point that discretizes

the problem generates a Voronoi cell, we then call these points ”mesh-generating point”.

For each point, its correspondent cell is defined as the region of space that is closer to

the mesh-generating point. In this way, mesh interfaces are orthogonal to the segment

that connects two neighboring mesh-generating points, and intersects the segment in its

middle point. To compute the mesh, the code first finds all the segments connecting

neighbor points, it then uses a Delaunay triangulation to build the mesh. Indeed, it is

possible to demonstrate that the Delaunay triangulation is the topological dual of the

Voronoi tessellation so that after the triangulation is completed, finding the mesh inter-

faces requires only some geometrical calculations (Weinberger et al., 2020). This type of

triangulation forms a set of tetrahedra in which the vertex are the cell-generating points

(Fig. 1.2), inside each generated tetrahedron no other points are found. The algorithm

to compute the triangulation following these steps. At first, it defines a tetrahedron that

encompasses all the mesh-generating points, then at each step adds one mesh-generating

point with connections from the point to the corners of the tetrahedron the point falls in

(if the point is the first inserted connect the vertices of the enclosing tetrahedra, otherwise

connect it to the vertices of the smaller tetrahedra generated by points already inserted).
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For each newly generated tetrahedron, it computes the sphere that encompasses that

tetrahedron, if a mesh generating point falls in this sphere, remove the tetrahedron.

Then iterate this procedure for all the points left. Once the Delaunay triangulation is

completed, all mesh-generating points are part of the Delaunay mesh, and the Voronoi

mesh is obtained as its topological dual.

Figure 1.2: Visual representation of Voronoi tessellation (red lines) in 2D. The Delaunay

triangulation is represented with the blue dotted lines. Notice how no cell generating point

falls in the Delaunay triangles. In 3D the triangles become tetrahedra (from Springel 2010b).

AREPO is an ALE code in the sense that cells move in a fluid-like manner. Each cell

moves with the same bulk velocity of the generating point, that depends on all the forces

acting on it (gravity, viscous, Lorentz, etc.). The generating point motion can lead to

very irregular cell shapes, leading to increased numerical artifacts (Springel, 2010b). In

AREPO a routine to prevent this from happening is present. First, the code identifies the

irregular shape cells, this is done by calculating the max angle by which any of the cell’s

faces are seen from its generating point. The angle is calculated as αface =
(
Aface

π

)1/2
/hface

where Aface is the area of a given interface and hface is the distance from the mesh-

generating point to the interface. The code defines αmax = max(αface). If αmax is higher

than a given threshold (0.75 β, with β being a free parameter) the mesh-generating point

is shifted by a fraction fshaping of the characteristic speed of the cell toward the cell’s
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center of mass. The corrective velocity is parameterized as:

v⃗corr =


0 for αmax ≤ 0.75β

fshaping
αmax−0.75β

0.25β
vcharn̂ for 0.75β < αmax ≤ β

fshapingvcharn̂ for αmax > β

(1.12)

where vchar is the modulus of the bulk velocity of the mesh generating point and n̂ is

the versor of the characteristic speed. In this way, the bulk velocity of the particle is

corrected to avoid irregular cell shapes.

1.6.2 Hydrodynamic solver

In this subsection, we describe the procedure used by AREPO to solve hydrodynamical

equations. AREPO uses a second order finite volume approach. In this sense, the

primitive quantities we introduce in eq. (1.5) are defined as averages inside each grid cell,

this allows to recover integral quantities as:

Qi =


mi

p⃗i

Ei

 =

∫
Vi

U dVi. (1.13)

Where U is defined in eq. (1.5). If we integrate eq. (1.7) and use Gauss theorem to

transform divergence integral in a surface integral we can write the variation of the

integral quantities as:
dQi

dt
= −

∫
∂Vi

[
F(U)−Uw⃗T

]
dn, (1.14)

where w⃗ is the velocity of the interface between cells. The cells of the Voronoi tessellation

have a flat interface between nearby elements. Aij is the oriented area of the interface

between cells i and j (pointing from i to j). The average flux of a conserved quantity

across this area is:

Fij =
1

Aij

∫
Aij

[
F(U)−Uw⃗T

]
dAij. (1.15)

In this way we can write equation (1.14) over the discretized cell faces as:

dQi

dt
= −

∑
j

AijFij. (1.16)

With this equation in mind we can write also the equation for a discrete time step as:

Q
(n+1)
i = Q

(n)
i −∆t

∑
j

AijF
(n+1/2)
ij . (1.17)
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Calculating the fluxes Fij has been one of the main focus of numerical analysis in the past

years. In order to make the solution stable a second order method is needed, AREPO

uses the Godunov second order method MUSCL Hancock scheme (more detail on the

procedure can be found in van Leer Bram 1984). To solve the discretize equation (1.17)

the code follows these steps:

(i) Calculate the Voronoi grid based on the position of the cell generating points.

(ii) For each cell i, calculate the primitive quantities W⃗i = (ρi, v⃗i, Pi).

(iii) Calculate the gradients of primitive quantities of each cell between all the neighbors:

∇W⃗i.

(iv) Give each cell a velocity w⃗i.

(v) Determine the timestep using the Courant criterion.

(vi) Compute for each cell the fluxes Fij.

(vii) Update the primitive quantities using equation (1.17).

(viii) Move the mesh generating points using their previously calculated speed wi.

We already discussed how the Voronoi mesh is initialized in subsection 1.6.1, and we

mentioned the MUSCL scheme used to calculate the flux Fij. In (iii) the code extrapo-

lates the gradients of primitive quantities (ρ, P , and B⃗, stored at the center of any given

cell) between each neighbor grid element. To do this the code adopts the least-square

gradient estimate presented in Pakmor et al. (2016). Suppose Wi is a primitive quantity

in cell i and W̃j is the same primitive quantity in cell j. We can estimate the gradient

∇Wi by imposing:

W̃j = Wi + dij∇Wi (1.18)

where dij is the distance between cell points. Since every cell has more than a neighbor

cell, the estimation of the gradient will be different depending on the particular neighbor

used. However, we can determine a more accurate gradient estimate by minimizing the

residuals:

Stot =
∑
j

gj(Wj −Wi − dij∇Wi)
2 (1.19)

where gj = Aij/|dij| are the weights with Aij area of the interface between cell i and j.

Then the code in (iv) calculates the speed of each cell w⃗i. The easier way to accomplish

this is to set w⃗i = v⃗i so that the speed of the cell is the speed of the fluid in the cell.

28



1 Introduction

This might not capture the fact that interfaces between cells can move at speeds that

are different from their centers, making the code non-purely lagrangian since there might

be mass exchange between cells. Still, this mass exchange is in general small compared

to the mass content of the involved cells and a quasi-lagrangian behavior is retained.

The main problem is that after some iteration the grid may present (high) topological

distortions that must be corrected (see subsection 1.6.1).

To calculate the timestep AREPO uses a CFL criterion and the timestep is evaluated

as:

∆tCFL = CCFL
Ri

ci + |v′
i|
, (1.20)

where Ri is the effective radius defined as Ri =
(
3Vi
4π

)1/3
, assuming the cell is spheri-

cal with volume Vi. CCFL is the Courant–Friedrichs–Levy coefficient (usually CCFL ≈
0.4–0.8), ci is the sound speed, and |v⃗′i| = |v⃗i − w⃗i| is the gas speed relative to the cell

speed. After we described how AREPO solves gravity and hydrodynamics we turn our

attention to how the galaxy formation sub-grid physics (i.e. all the processes that we

cannot capture with hydrodynamic equations with given resolution) is implemented in

the SMUGGLE model in the next sections.

1.7 Cooling and heating

Cooling and heating mechanisms are fundamental aspects of the physics of galaxy for-

mation and evolution. Cooling makes the internal energy of a gas cloud diminish via the

emission of photons. A cloud that loses energy can then enhance its density and reach a

very low temperature (T ∼ 10 K). Is common knowledge that colder gas is much more

prone to collapse and form stars (Chevance et al., 2022). This means that encoding a

correct parametrization of cooling is key if we pursue a realistic representation of galaxy

proprietaries. In SMUGGLE cooling is implemented following the approach presented in

Vogelsberger et al. (2013) with some extra new mechanisms added. In the code, we find

a detailed modeling of all two body mechanisms of emission for a gas that is a mixture of

hydrogen and helium. The processes included are: collisional excitation, collisional ion-

ization, recombination, dielectric recombination, and free-free emission (see Katz et al.,

1996), Compton cooling off CMB photons (Ikeuchi & Ostriker, 1986), and photoioniza-

tion from a spatial-uniform UV background (Faucher-Giguère et al., 2009) are also taken

into account. Cooling from metal emission lines is implemented as well. These processes

are mapped in lookup tables computed with the software CLOUDY (Ferland et al., 1998)

and assuming ionization equilibrium for a dust-less and optically thin medium.
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The final parametrization for the cooling function is then:

Λ(T, ρ, z, Z) = Λp(T, ρ, z) +
Z

Z⊙
Λm(T, ρ, z, Z⊙) + Λc(T, ρ, z). (1.21)

In eq. (1.21) we have three contributions, Λp is the primordial contribution by two body

interactions, Λm is the cooling from metal lines and Λc is the cooling from CMB inverse

Compton. Notice how the cooling contribution from metals is calculated at the solar

metallicity and is simply rescaled to the actual metallicity of the cooling gas cell. In

principle, is possible to implement the contribution of every element, since the single

abundances are traced in AREPO. However, it was decided not to implement cooling in

this way since the uncertainties on the single element production are large. Finally, the

UVB background works as a heating source with the contribution of both background

quasars and star-forming galaxies.

In SMUGGLE the possibility of gas cooling via low-temperature metal lines, fine-structure,

and molecular cooling processes was added. These processes allow the gas to cool to

temperature T < 104 K, forming molecular clouds that are the birthplace of stars. The

implementation of molecular cooling is based on tables computed with CLOUDY and it

is parameterized as follows:

Λmol = 2.896×10−26

[(
T

128.215K

)−4.9202

+

(
T

1349.86K

)−1.7288

+

(
T

6450.06K

)−0.3075
]−1

×(
0.001 +

0.1nH
1 + nH

+
0.09nH

1 + 0.01nH
+

(Z/Z0)
2

1 + nH

)
×(

1 + Z/Z0

1 + 0.00143nH

)
× exp

(
−
[

T

158000K

]2
+

)
erg s−1 cm−3, (1.22)

where T is the gas temperature, nH is the hydrogen number density, and Z and Z⊙ are

the gas and the solar metallicities. Self-shielding of molecular gas from ionizing radiation

is implemented by multiplying eq. (1.22) by a factor fssh:

fssh = (1− f)

[
1 +

(
nH
n0

)β]α1

+ f

[
1 +

(
nH
n0

)]α2

, (1.23)

where nH is the hydrogen number density and (n0, α1, α2, β, f ) encode the redshift

dependence (see Rahmati et al. 2013, Table A1). There are two important heating

mechanisms that are relevant for low temperature gas and are included in SMUGGLE.

The first is the heating due to the cosmic ray background. These are implemented based

Guo & Oh (2008) as:

ΛCR = −10−16(0.98 + 1.65)ñeeCRn
−1
H erg s−1cm3. (1.24)
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In eq. (1.24) ñe is the electron number density in unit of hydrogen number density, and

eCR is the cosmic rays energy density that is parameterized as:

ecr =

9× 10−12 erg cm−3 for nH ≥ 0.01 cm−3

9× 10−12 nH

0.01
cm−3 erg cm−3 for nH < 0.01 cm−3.

(1.25)

In this way, the fact that cosmic ray heating becomes less and less important for low gas

densities is explicitly taken into account. The second heating mechanism that has been

implemented in SMUGGLE is the photoelectric emission of electrons by dust grains,

called photoelectric heating. The mechanism for this source of heating is thought to be

the interaction of the interstellar radiation field and the polycyclic aromatic hydrocarbons

(PAHs) molecules found in interstellar dust grains. The parameterization used to model

this effect comes from Wolfire et al. (2003) and reads:

Λphot = −1.3×10−24ẽpeν n
−1
H

(
Z

Z⊙

)
×
(

0.049

1 + (xpe/1925)
0.73 +

0.037 (T/104K)
0.7

1 + (xpe/5000)

)
erg s−1 cm3,

(1.26)

xpe =
ẽpeν T

0.5

ΦPAH ñe nH
, (1.27)

where ẽpeν n is the photon energy density, normalized to the Milky Way value ẽpeν =

epeν /3.9 ∗ 10−14 erg cm−3 and ΦPAH is a factor that incorporates the uncertainties in the

interaction rates between atoms and dust grains in the molecular regime.

1.8 Star Formation and Stellar Feedback

Stars in galaxies play a major role in driving galaxy evolution. They interact with the

interstellar medium (ISM), influencing its structure and dynamics, and their presence

shapes the appearance of galaxies across almost all wavelengths observable. Therefore,

simulating a galaxy requires modeling all the physics associated with the formation,

evolution, and death of stars, describing how they interact and modify the ISM in each

phase of their evolution. We describe how the ISM can be influenced by stars in sec

1.8. This tight interplay between the ISM and the stellar component of the galaxy

imposes modeling stellar evolution as accurately as possible if we want to obtain a realistic

representation of the ISM properties and its evolution. As we discussed earlier, AREPO

uses an unstructured Voronoi mesh to model gas dynamics. The typical size of a cell in

a galaxy formation simulation (typically on the order of ∼ 10 pc) does not allow for the

resolution of individual stars and their evolution. This implies that both star formation,

evolution, and interactions with the ISM must be implemented as sub-grid algorithms.
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We will explain in detail how these aspects related to the stellar component stars are

implemented in the SMUGGLE since our work focuses on studying and updating the

model for stellar evolution in this framework.

1.8.1 Star Formation

To discuss how a cold gas region is converted into a star-particle we will describe the

criterion used in the SMUGGLE model to trigger star formation. SMUGGLE adopts a

probabilistic approach (Marinacci et al., 2019). When a star formation event is triggered

(see below) a cell of the grid containing gas is converted into a so-called stellar particle.

Every star particle represents a simple stellar population (SSP) that follows a Chabrier

(2001) initial mass function. Star particles are created by sampling a probability distri-

bution derived from the star formation rate (SFR) computed for each cell, which is given

by:

Ṁ∗ =

0 if ρ < ρth

ϵMgas

tdyn
if ρ ≥ ρth.

(1.28)

In eq. (1.28) ϵ is an efficiency factor set to 0.01 based on observations (Krumholz & Tan,

2007), tdyn =
√

3π/32Gρgas is the gravitational dynamical time and ρth is a threshold set

at 100 cm−3, which is the average density of giant molecular cloud1. Another parameter

for the conditional collapse is present, this is the so-called viral-parameter α. This

parameter restricts star formation only to gravitationally bound regions, preventing gas

cells not prone to gravitational instabilities from collapsing in an unrealistic and non-

observable way. For the ith cell the alpha parameter is calculated following Hopkins

et al. (2018) as:

αi =
∥∇ ⊗ v⃗i∥2 + (cs,i/∆xi)

2

8πGρi
. (1.29)

In eq. (1.29) vi is the speed of the ith gas cell, cs,i is its speed of sound, ∆xi is the radius

of the cell (i.e., the radius of the sphere having the same volume of the cell), ρi is its gas

density and G is the gravitational constant. We define

∥∇ ⊗ v⃗i∥2 =
∑
i,j

(
∂vi
∂xj

)2

. (1.30)

In the equation (1.29) we find at the numerator terms that are proportional to both

kinetic and thermal energy of the gas that prevent the collapse. At the denominator we

1In Marinacci et al. (2019) it is discussed how a higher (or lower) value of this threshold does not

impact the star formation history nor the Kennicutt-Schmidt relation. However, the precise value of

the threshold might change the clustering of SN explosions
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have a term proportional to the gravitational attraction, forcing the collapse. A cloud is

allowed to collapse and form a star particle only in cells that have α < 1. If a particle

satisfies the conditions for the collapse described in eq. (1.28) and eq. (1.29) it can become

a star particle. To determine if this happens we define p = 1 − exp(−Ṁ∗∆t
Mi

), then we

extract a random p∗ from a uniform distribution [0, 1[, if p∗ < p the cell is converted

into a star particle and a SSP is initialized.

1.8.2 Stellar Feedback

Feedback from supernovae

Supernovae inject energy and momentum into the ISM (e.g., Agertz et al., 2011), they

also pollute the gas with newly synthesized elements through nucleosynthesis within stars

and during explosions. The momentum injection from SNe drives turbulence (Martizzi

et al., 2016) and contributes to galactic-scale outflows (Li et al., 2017). Given the signif-

icance of these processes in shaping the ISM, SNe need to be modeled as accurately as

possible. The first task is to compute the number of SNe events happening in a simula-

tion timestep. Since stellar particles represent an entire stellar population we can have

more than one event in a timestep for a stellar particle. This aspect is an integral part

of the new stellar evolution model that we will develop in this thesis work. Therefore,

we defer its discussion in section 2.3.1, where we explain and analyze in detail how the

code takes into account end-life events from stars.

We assume that for each SNII explosion the energy released is ESN = fSNE51 where

E51 = 1051 erg and fSN is an efficiency factor. Assuming that the blast velocity is

vSN =
√
2ESNMSN (derived from the kinetic energy equation), the momentum of the

shock is pSN = MSNvSN =
√
2ESNMSN . To accurately capture the effect of a SN blast

we need to take into account the first adiabatic phase of the explosion (also known as

the Sedov-Taylor phase). During this phase, the momentum imparted to the ISM gas

is generated by an over-pressurized central gas bubble that expands and sweeps up the

surrounding, unshocked ISM. An accurate implementation of SNII then takes into ac-

count this first phase of the explosion even if not explicitly resolved in the simulation.

This phase lasts until the shock arrives at the cooling radius (the radius at which the

cooling timescale is equal to the shock expansion timescale). In SMUGGLE this effect

is accounted for by boosting the momentum ejected in the nearby cells by a factor that

depends on the gas thermodynamical state (see Marinacci et al. 2019, for more details).

In the model, a prescription for how the energy and momentum are spread in the nearby

cells is also present. This is achieved by calculating the weight of each nearby cell.
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SMUGGLE first identifies the neighboring cells, so the quantity Nngb =
4π
3
h3
∑

iW (|r⃗i−
r⃗s|h) is defined, where h is a search radius (coupling radius), W is the standard cubic

spline SPH kernel, and r⃗i and r⃗s are the position vectors of the ith gas neighbor and the

star particle and Nnbg, the number of neighbor cells, is a parameter set a priori (usually

Nnbg = 64). The equation for the neighbor cells can then be solved for h, which rep-

resents the radius at which the SN explosion affects the ISM. The calculated feedback

radius is then used to compute the distribution of energy and momentum in the neighbor

cells by assigning a weight to each cell. The weight of the ith cell is defined as:

wi =
∆Ωi

4π
= −1

2

1− 1√
1 + Ai

π|r⃗i−r⃗s|2

 (1.31)

where |r⃗i − r⃗s| is the distance between the gas cell generating point and the stellar one,

Ai is the area of the gas cell defined as Ai = π∆x2 where ∆xi is the cell radius found

in eq. (1.29). The weights are normalized and multiplied by the equations for the total

energy and momentum released. The momentum injected is directed radially away with

respect to the stellar particle in which the SN explosion occurs.

Radiative feedback

Radiation emitted by stars can interact and influence the ISM through various mecha-

nisms. Young massive stars can ionize the ISM by emitting photoionizing radiation, and

radiation can modify the dynamic of the ISM through radiation pressure. In SMUGGLE

such effects are also considered. In the model, HII regions are implemented as follows.

Each stellar particle has a photoionizing radiation flux

N∗ =
L∗

⟨hν⟩ =
γ∗M∗

⟨hν⟩ , (1.32)

where L∗ is the luminosity of the star particle, γ is the light-to-mass ratio, taken as

γ∗ = 103L⊙/M⊙, and ⟨hν⟩ = 17 eV is the average energy of the photoionizing photons

emitted by massive stars. Also for the radiative feedback, we use the coupling radius

h introduced in the previous subsection. The quantity of ionizing photons can ionize

a mass that is usually smaller than the one contained in the coupling radius. The

code then uses a probabilistic approach for ionizing the cell. Each has an ionization

probability p = n∗/(αrecn
2
HVi), where αrec is the recombination coefficient of hydrogen,

nH is its numerical density, Vi is the cell volume and n∗ = w̃iN∗ is the number of

photoionizing photons weighed with the same values defined in eq. (1.31). A random

number in p′ = [0, 1[ is extracted, if p′ < p then the cell becomes photoionized for a time
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toff equal to the stellar particle timestep, a background temperature T = 1.7 ∗ 104K is

set and cooling is disabled. After a cell is photoionized the thermal pressure makes the

region expand, injecting momentum in the ISM (not to be confused with the momentum

injection by winds and SNe). Besides the effect of ionization, radiation can transfer

momentum directly via radiation pressure. In the code this is implemented by considering

a momentum injection for the neighbor cell equal to:

∆p =
L∗

c
· (1 + τIR)∆t, (1.33)

where the Infrared optical depth τIR of the gas as a parameter to take into account the

multiple scatterings that photons go through when generating radiation pressure. This

radiation momentum is coupled to nearby cells in the same way the SN feedback is, using

the same weights.

Feedback from stellar winds

Stars contribute to feedback also when they inject mass, and consequently momentum

and energy, in a non-explosive way. Winds from massive O/B type stars are one of the

most important sources of feedback from continuous mass loss. Also, the mass return

happening in the AGB phase by stars that do not explode as core-collapse supernovae is

important, but release their outer layers gently in the ISM forming a planetary nebula.

In general, all the stars release part of their mass in the ISM during their lifetime, still the

only appreciable contribution to energy, momentum, and mass ejected comes from stars

with M > 20M⊙ (see Fig. 3.16). In the SMUGGLE model, O/B winds are implemented

as a function that parameterizes the mass ejected per unit time. We will discuss in detail

this aspect of the model in section 2.3.1. While to describe O/B type winds functions

that parametrize the injection rate, for the AGB phase we use the same approach used

to calculate both the number and mass ejection of SNII, presented in Vogelsberger et al.

(2013) (see again section 2.3.1 for more details).

Stellar wind feedback is provided by the injection of both momentum and energy in

the ISM from continuous mass losses. The energy injected by winds using the prescription

(see also Hopkins et al., 2018):

Ewinds = ∆tLkin =Mloss × ψ × 1012 erg g−1 (1.34)

where Mloss = (Mtot(t + ∆t) −Mtot(t)) is the mass loss by the stellar particle through

winds in the interval ∆t and ψ is a function of time that describe the wind speed as

a function of the lifetime of the SSP. The momentum injection is simply derived from
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the energy of the winds as pwinds =
√
2MlossEwinds. The same formalism for the coupling

radius and weighting used for SN feedback is also applied for winds. It is also worth noting

that in the code O/B wind injection and the associated feedback are only performed if

the returned mass over a given time step is larger than 10−4 times the mass M∗ of the

stellar particle at birth. If this is not the case, the mass loss is accumulated until the

first time step at which the mass return threshold for this channel is reached.
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Methods

2.1 Introduction

This chapter describes different approaches to implementing stellar evolution models in

hydrodynamical simulations of Milky Way-type galaxies and galaxies in general. Stellar

evolution provides energy, momentum, and mass and alters the chemical composition of

the ISM via stellar winds and supernovae, thus affecting the physics of the interstellar

gas. Therefore, having an accurate numerical model for stellar evolution directly impacts

the outcome of such a simulation.

In this chapter, we will first reproduce the stellar evolution modules implemented in two

different widely used galaxy formation physics models, namely Fire-3 (Hopkins et al.,

2022) and SMUGGLE (Marinacci et al., 2019). Then, in the next chapter, we will

construct a new stellar evolution model to be implemented in SMUGGLE using the

code SEVN (Spera et al., 2015, 2019; Iorio et al., 2023). The final goal is to compare,

gain insights, and interpret the evolution of a Simple Stellar Population implemented

in different numerical codes using various techniques. A quantitative analysis of each

model, which we will provide in this chapter, is needed to achieve this.

We first examine how stellar evolution is implemented in the Fire-3 model. This is done

by reproducing the stellar evolutionary plots shown in Hopkins et al. (2022) using the

analytical prescriptions presented in that work. We then investigate the current stellar

model used in the SMUGGLE model, based on the approach described in Vogelsberger
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et al. (2013). Contrary to the Fire-3 model, in which Supernovae rates and ejection

rates from winds are described by analytical functions, the approach used in SMUGGLE

consists of encoding stellar evolution in a set of .hdf5 tables. The code then derives the

information needed by interpolating the data sampled in these tables (see 2.3.1 for an

in-depth discussion). Finally, we describe the procedure to build a new model using the

stellar evolution code SEVN (Iorio et al., 2023). We build this model by simulating the

evolution of single stars (i.e. no binary stars are considered) and creating a new set of

.hdf5 tables that are directly readable by the SMUGGLE code. A detailed comparison

and a complete discussion of the different models are made in the next sections and

chapters.

2.2 Fire-3

In Fire-3 (Feedback In Realistic Environments, Hopkins et al. 2022) parametrization of

SNe rates and continuous mass loss rate are provided. Therefore, it is relatively straight-

forward to reproduce in a standalone code stellar evolution model1. We will do so in this

section, where we will also briefly discuss the salient features of the Fire-3 model.

In Fire-3, stellar feedback input to the ISM is computed directly by passing the age and

metallicity to fitting functions that represent, respectively, the mass rate ejected by the

OB/AGB stellar winds and type II and type Ia supernovae rates. To obtain these func-

tions, the model uses software that simulates the evolution of an entire stellar population

given the metallicity, stellar evolutionary tracks, and IMF. Stellar population evolution is

calculated using the code STARBURST99 (Leitherer et al., 1999) with a Kroupa (2001)

IMF with slopes (0.3, 1.3, 2.3) in the mass intervals (0.01 − 0.08, 0.08 − 0.5, 0.5 − 100)

M⊙, respectively, with SNII threshold 8 M⊙, adopting updated Geneva tracks as stellar

evolution tracks. The STARBURST99 code creates files containing the lifetimes of stars

given their mass, the mass ejected in the last phase of the evolution, and the continuous

mass loss throughout all evolution. Fitting the output data from STARBURST99 as

a function of stellar population age provides the analytical parametrization of the rate

functions used as input for stellar evolution and feedback in Fire-3. The rates are nor-

malized to the solar mass and, during the simulation, the mass of the stellar particle is

recalculated every timestep to obtain the updated rate value. In the next subsections,

we will describe each feedback channel implemented in Fire-3.

1The code used is available at https://github.com/lorevannini/Thesis-project/tree/main/

FIRE-3
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2.2.1 Supernovae

SNII are the main momentum, energy, and α-element injectors. In the Fire-3 model

their rate per unit stellar mass formed is parameterized as:

RCC/M∗

Gyr−1M−1
⊙

=


0 (t < tS,1 or t > tS,3)

as,1(t/ts,1)
ψs,1 (ts,1t < ts,2)

as,2(t/ts,2)
ψs,2 (ts,2 ≤ t ≤ ts,3)

(2.1)

where ψs,1 = ln(as,2/as,1)/ ln(ts,2/ts,1) and ψs,2 = ln(as,3/as,2)/ ln(ts,3/ts,2) with (as,1, as,2, as,3) =

(0.39, 0.51, 0.18) and (ts,1, ts,2, ts,3) = (3.7, 7.0, 44) Myr.

SNIa, that represent the main channel for Fe enrichment, are parameterized by the

simpler expression:

RIa/M∗

Gyr−1M−1
⊙

=

0 (t < tIa,1)

aIa,1(t/tIa,1)
ψIa,1 (tIa,1 ≤ t)

(2.2)

with tIa,1 = ts,3 = 44 Myr, ψIa,1 = −1.1 and aIa,1 = 0.0083
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Figure 2.1: Parametrization of Type II Supernova rate from (2.1) and Type Ia Supernova

rate from (2.2). We plot also the functions given in Fire-2, an earlier incarnation of the FIRE

model, as a reference. The expression of Fire-2 fitting formulas can be found in Hopkins et al.

(2018).

39



2 Methods

In Fig 2.1 we notice how SNII explodes with a rate ∼ 2 orders of magnitude higher than

the SNIa. The parametrization for type 2 Supernovae has been refined from the second

version of the FIRE model (dotted lines in the figure) using two power laws to remove

the discontinuity at t ∼ 10 Myrs. While estimating the SNII explosion rate is in principle

straightforward (see 2.3.1), estimating the SNIa rate is a much more challenging task.

Indeed, the SNIa rate depends in principle on the progenitor population of SNIa, and

on the stellar and binary evolution of that population (Maoz & Graur, 2017). Both

of these factors are affected by great uncertainties and it is for this reason that SNIa

rates are usually modeled using a so-called delay-time distribution (DTD). To give an

estimate of the SNIa rates various methods have been developed, but the basic idea is

that the (cosmological) volumetric rate of SNIa can be obtained by convolving the star

formation history (SFH) of the Universe with a DTD function. In Fire-3, the DTD

form was updated from the one prescribed in Mannucci et al. (2006) (used in Fire-2) to

Maoz & Graur (2017), the latter being more consistent with the latest measurements of

the cosmological SNIa rate. In this way, the DTD function becomes a pure power law

starting when SNII stops exploding, while the old parameterization had a peak at ∼ 107

yr and then stabilized to a constant value. Those trends are visible in Fig. 2.1.
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Figure 2.2: Total number of SN per unit stellar mass expected in Fire-3 (solid lines) and

Fire-2 (dotted lines). The total number of events expected is fundamental to estimating the

energy injected in the ISM. In the SNIa the different DTD used leads to a visible difference in

the cumulative function. For SNII instead, the difference is much less evident; this is because

the number of events expected depends only on the form of the IMF and the star’s lifetime.
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To obtain the cumulative SN number expected per unit stellar mass as a function of

stellar population time, we initialized 1000 points for time with an equal log spacing,

and then we integrated eq. (2.1) and eq. (2.2) using the trapezoidal method. Notice how

in Fig. 2.2 changing the evolution model changes the total number of SNII exploding.

This is an important quantity that depends only on the lifetime of the stars and on

the IMF (eq. 2.7). We expect slightly different results for different IMF and different

lifetimes of stars used. SNe are single events, this means that the rate does not represent

the actual number of SN happening but rather a probability of an SNII to happen (see

section 2.3.1 for a more in depth discussion).

After determining the rates and the total events we are interested in quantifying the total

mass returned by the SSP in this model. This is a key aspect that might impact the

outcome of a galaxy formation simulation since the gas returned is not only reusable to

make new stars but also has a different chemical composition that changes the evolution

of the entire galaxy. We can calculate the mass ejection rate in Fire-3 using the function

that describes the mass ejected by a single SN event as a function of time: Mej =

10M⊙
(
t/6.5Myr

)−ψCCM with ψCCM = 2.22 for t ≤ 6.5 Myr and ψCCM = 0.267 for

t > 6.5 Myr (Fig. 2.3).
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Figure 2.3: Mass ejected for single event (Mej) over time for Fire-3 (solid line) and Fire-2

(dotted line). Fire-2 takes the mass ejected as constant

.
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The function reported in Fig. 2.3 tells us the mass ejected by the star that ends its life

at time t. We notice how in Fire-3 they improve the model by assuming a double power

law to modelize the mass ejected by a star dying at time t, while in Fire-2 it was simply

the IMF averaged mass ejected by all the SNII. If we multiply the SNII rate in Fig. 2.1

with the mass loss for a single event in Fig. 2.3 we obtain the mass injection rate per

solar mass.
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Figure 2.4: Mass ejection rate normalized to the stellar particle mass. While in the Fire-2

(dotted lines) the mass ejected for supernova is constant at M = 10.4M⊙ in Fire-3 (solid lines)

this has been modulated depending on the initial mass of the star that explodes.

It is assumed that SNIa explode roughly when Chandrasekhar mass is reached, since no

remnant is left we assume the mass injection as constant with a value of 1.4 M⊙ for a

single event. This approximation is made since we have uncertainties on the progenitors

channel that leads to SNIa explosion in the first place. To interpret best the results

of galaxy formation simulations in which these stellar models are implemented we need

to calculate the total cumulative mass released by SNe as a function of time. This

quantity tells us how much mass becomes reusable after a given time has passed from

the star formation event. Different stellar evolution implementations will inevitably

predict different mass fractions, allowing us to compare models. We perform a numerical

integral using the trapezoid method of the mass ejection rate (Fig. 2.5) to obtain this

result.
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Figure 2.5: Total mass ejected by SNe normalized to the initial mass of the stellar population.

Notice how from Fire-2 (dotted lines) to Fire 3 (solid lines) less mass is injected into the ISM,

with a 0.15 per cent discrepancy respect tho the total mass of the SSP. Also, SNIa makes up

for a very little contribution for the total mass injected.

The model then predicts about 10% of the total initial mass being re-injected in the

ISM. Compared to the older version of the Fire model (Fire-2), we notice in Fire 3 a

decrease in the total mass fraction after all the SNII exploded. This suggests that newer

stellar evolution models predict a lower mass ejection compared to the older ones. We

will show that this is indeed the case for other models and implementations.

2.2.2 OB and AGB winds

It is an observational fact that massive stars, especially O/B-type stars (Vink et al.,

2001) expel a relevant fraction of their mass during their lifetime. Continuous mass

losses have a non-negligible impact on the interstellar medium that needs to be taken

into account. Moreover, also low-mass stars that end their life cycle as planetary nebulae

are considered part of this continuous mass loss since the energy and momentum release

in the ISM does not occur through an explosion. Therefore, the total parametrization

43



2 Methods

for all the continuous mass losses in Fire-3 is given by:

Ṁw/M∗

Gyr−1
=



aw,1 (t ≤ tw,1)

aw,1(t/tw,1)
ψw,1 (tw,1 < t ≤ tw,2)

aw,2(t/tw,2)
ψw,2 (tw,2 < t ≤ tw,3)

aw,3(t/tw,3)
ψw,3 (tw,3 < t)

+aA,1(tA,1/t)
1.6
{
[e−(tA/t)

6

+[aA,2
−1+(tA/t)

2]−1
}
,

(2.3)

with ψw,1 = ln(aw,2/aw,1)/ln(tw,2/tw,1), ψw,2 = ln(aw,3/aw,2)/ln(tw,3/tw,2), ψw,3 = −3.1

(tw,1, tw,2, tw,3, tA) = (1.7, 4.0, 20, 800) Myr,

(aw,1, aw,2, aw,3, aA,1, aA,2) = (3 ∗ z̃0.87, 20 ∗ z̃0.45, 0.6 ∗ z̃, 0.11, 0.01) where z̃ is z = 10[Fe/H]

that takes in account the dependencies of the winds on stellar metallicity. This equation

encodes the continuous mass loss from stars. The first part until ∼ 109 yr represents the

winds from massive stars, while ages greater than ∼ 109 yr take into account the mass

loss from stars entering the AGB phase and then becoming planetary nebulae. We will

call this phase of mass loss the AGB phase from now on.

In Fig. 2.6 we plot eq. (2.3). Notice how the mass ejection rate at 103 Myr is enhanced

by two orders of magnitude due to stars entering the AGB phase.
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Figure 2.6: Continuous mass loss form stars in main sequence parametrized in equation (2.3)

for Fire-3 (solid lines) at two different metallicities. Also in this case, we show the trends for

Fire-2 (dotted lines) for comparison.
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Changing the metallicity affects the first 3 Myr of the mass ejection rate. O/B stars

with less metal content see a decrease in their mass loss rate. Notice how both Fire-2

and Fire-3 present a bump in the rate that takes into account the mass loss from stars

that do not explode as Supernovae. Still in Fire-3 the bump is much less prominent and

shifts form ∼ 108 to ∼ 109 yr.

As it was done for SNe, we numerically integrated these rates in time to obtain the

cumulative mass ejection from continuous losses. The result is presented in Fig. 2.4.

Even in this case, we note the sudden bump due to the AGB at 103 Myr.
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Figure 2.7: Total mass injection from continuous losses by stars. We plotted two metallicities

values for both Fire-3 (solid lines) and Fire-2 (dotted lines) to show the dependence of the total

ejected mass on the star chemical composition.

The bump in the rate due to the AGB losses creates a sudden increase in the total mass

fraction of both models, the delay of the bump in Fire-3 makes the total mass ejected

7% less than Fire-2. In this case, the Fire-3 model predicts less mass released relative

to Fire-2 at any metallicity. Furthermore, there is a strong dependency on metallicity in

both models, with lower metallicity stars yielding ∼ 7% less total mass fraction ejected.
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2.2.3 Yields

Nuclear reactions inside stars create new chemical elements. The cooling function de-

pends strongly on the presence of metals in the ISM. Thus, following and estimating

the total quantity of metals released by stars plays a central role in accurately modeling

the evolution of cooling in the simulation. Also, the chemical composition of stars alters

their life cycle, changes the mass loss via winds, and modifies the cross-section of the

matter that is influenced by radiation pressure. The amount of each specific element

produced depends on the mass of the star.

In Fire-3 the production of elements is parameterized by introducing franctional yields.

These take the form of functions of the metallicity of the SSP and time defined as:

ycc,j =
ejection ratej
ejection ratetot

(2.4)

Where j is an element in the list (He, C, N, O, Ne, Mg, Si, S, Ca, Fe) and tot stands for

the total mass ejection rate. In order to get the rate of ejection of a specific element, we

need to multiply its yield by the ejection rate given in eq. (2.1). Hopkins et al. (2022)

provide the fit for the fractional yields of single elements for SNII as:

ycc,j =



0 (t ≤ tcc,j,1)

aj,1(t/tj,1)
ψcc,j,1 (tj,1) < t ≤ tj,2)

...
...

aj,n(t/tj,n)
ψcc,j,n (tj,n < t ≤ tj,n+1)

0 (tj,n+1 ≤ t)

(2.5)

Where ψcc,j,i = ln(acc,j,n+1/acc,j,n)/ ln(tcc,j,n+1/tcc,j,n), j is the element, aj,i and tj, i are

found in sec. 3.11.2 of Hopkins et al. (2022).
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Figure 2.8: Fractional yields for SNe as a function of time obtained for Z=0.02. Continuous

lines are the contribution of SNII and dotted-dashed lines are the contributions of SNIa.

Notice how half of the mass expelled by SNIa is in the form of Iron. While the total mass

returned by SNIa is negligible with respect to the SNII, the metal enrichment coming

from both is comparable. This makes SNIa critical for metal enrichment of the ISM.

The enrichment from winds is also considered.

To quantify the yield of an element from the continuous mass loss, the production of

atomic species in Fire-3 is parameterized through the most important nuclear fusion

channels. These are called nuclear channel yields. By combining all the nuclear channel

yields the final fractional abundance production is obtained. The more important nuclear

channel reactions given are:

yj=(HHe,CNO,HC) =



aj,1(t/tj,1)
ψj,0 (t ≤ tj,1)

aj,1(t/tj,1)
ψj,1 (tj,1 < t ≤ tj,2)

...
...

aj,n(t/tj,n)
ψj,n (tj,n < t ≤ tj,n+1)

(2.6)

Where ψc,i,j = ln(aj,n+1/aj,n)/ ln(tj,n+1/tj,n) and j is the channel. In this case both

the time and aj,n are tabulated in subsection 3.11.3 of Hopkins et al. (2022). The

fractional yield for each element is the combination of all nuclear channel yields. They

are defined as fHe = fHe,0(1 − yHeC) + yHHefH,0, fN = fN,0 + yCNfC,0 + yONfO,0, fC =

fC,0(1− yCN) + yHeCfHe,0 + yHCfH,0(1− yHHe) and fO = fO,0(1− yON), and the initial
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abundance (quantities denoted with the subscript zero) are given in Hopkins et al. (2022).

We plot the fractional enrichment tabulated above in Fig. 2.9.
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Figure 2.9: Fractional yields from continuous mass loss. All the stars are taken into account.

Notice how they parametrize only elements produced via nuclear fusion during the life-

time of the stars, they consider the abundance of other elements to be equal to the initial

one.

2.3 SMUGGLE

In this section, we discuss the current implementation of stellar evolution in the SMUG-

GLE model (Marinacci et al., 2019). The model takes as input .hdf5 tables, one for the

lifetime of the stars, one for the stars that explode as SNII, and another one for stars that

end their life as planetary nebulae (from now on we will refer to these stars as AGB).

The lifetime file contains the length of the main sequence for a set of stars with given

masses and metallicities. Each one of the other two files contains for a subset of the

stellar masses the mass ejected in the end-life phase (i.e. the post-main sequence phase)

and the elemental yields (we describe the structure of these files in detail in Appendix

A). The model interpolates (linearly in log space) data read from these files, obtaining

continuous functions. Then using these interpolated functions, it evaluates the evolu-

tion of the stellar population as a function of time. In other words, the model basically

self-consistently determines the rates involved for describing stellar evolutionary pro-
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cesses starting from the hdf5 tables. This has the major advantage that different stellar

evolution models can be used by simply replacing the data tables without the need of

implementing custom fitting functions.

It is worth mentioning two exceptions to this implementations. In SMUGGLE SNIa

rates are not tabulated but instead parameterized with an analytic DTD function (see

section 2.2.1 and Vogelsberger et al. 2013, for a detailed description). Similarly, winds

from massive (M > 8M⊙) are implemented following a modified version of the Fire-2

prescription (Hopkins et al., 2018). Understanding, quantifying, and interpreting stellar

evolution models in SMUGGLE requires a standalone code that emulates this procedure.

What follows is a detailed description of this standalone code that was developed in this

thesis work to reproduce the stellar evolution part of the SMUGGLE model2

2.3.1 Model Theory

It is a well corroborated fact that the lifetime of a star depends strongly on its initial

mass and more weakly on its metallicity and rotation velocity (Groh et al., 2019; Amard

& Matt, 2020). A stellar particle in a simulation performed with SMUGGLE represents

a co-eval stellar population. Therefore, stars inside a stellar particle are assumed to have

the same metallicity, so we treat the metal content as a fixed parameter. Fluctuations

in stellar parameters (overshooting, rotation, stellar magnetic fields) and environmental

effects (ISM pollution, encounters with other objects, magnetic fields, and cosmic rays)

can make stars born with the same initial conditions evolve differently; however, the

level of approximation at which we are working (we are treating a stellar population as

a whole in the simulations) allows us to neglect these effects.

State-of-the-art stellar evolution codes can be used to calculate stellar lifetime given the

star’s initial mass and metallicity. Based on these results a lifetime function τ can be

defined such that τ = τ(M,Z) where M is the stellar mass and Z is the metallicity

at birth of the stellar population. At fixed metallicity, τ is a monotonically decreasing

function so it is invertible. Defining t0 as the time when the SSP forms, the inverse

function of τ is M = M(t = t0 + τ, Z). M is the mass of the stars that end their

life cycle at t0 + τ . Being more rigorous we say that the lifetime function represents

the star with mass M that departs from the main sequence at a given time. In fact

in SMUGGLE another key approximation is made, it is assumed that the post-main

sequence evolution of a star happens instantaneously since it is on average 1/10 of the

2The code used is available at https://github.com/lorevannini/Thesis-project/tree/main/

SMUGGLE-Model.
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total life of the star. Given this approximation, we can calculate how many stars depart

from the main sequence in the time interval [t, t + ∆t] by integrating the SSP over its

initial mass function (IMF) between [M(t, Z),M(t + ∆t, Z)]. For instance, we can

calculate the number of SNII events as:

NSNII(t, t+∆t) =

∫ max(M(t+∆t),MSNII,max)

min(M(t),MSNII,min)

ϕ(m)dm (2.7)

where MSNII,min = 8M⊙ and MSNII,max = 100M⊙. We present an illustration of this

approach in Fig. 2.10.
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Figure 2.10: Chabrier IMF used in SMUGGLE. We present a visual representation of eq.

2.7. We took t0 = 0 and omitted Z dependencies to simplify the notation.

SNII are discrete events. This means that the rate of SNII in eq. (2.7) is the expected

number of explosions in a timestep ∆t. To determine whether a SN event takes place,

we sample form a Poisson distribution p(n;λ) = λne−λ

n!
. In the last equation, p is the

probability of having n supernova events given an expected value λ over the time step

∆t. In our case λ = NSNII ∗M∗, where M∗ is the stellar population mass at birth and

NSNII derives from eq. (2.7).

We can use a similar approach to obtain the ejected mass as a function of time. We

integrate the IMF multiplied with the star mass m and the so-called efficiency function

frec(m,Z) . This function represents the percentage of the mass of a star that is recycled
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in the ISM and depends on the mass and metallicity of any given star in the SSP. We

obtain frec(m,Z) by dividing the end-life mass ejected and the correspondent stellar

mass that we found in the tables, then we interpolate linearly in log-space between the

points. The mass ejected by a SSP in the the time interval ∆t can then be formalazed

as.

∆M(t,∆t, Z) =

∫ M(t)

M(t+∆t)

mfrec(m,Z)ϕ(m)dm (2.8)

Each file contains also the yields for the elements ”H”, ”He”, ”C”, ”N”, ”O”, ”Ne”,”Mg”,

”Si”, ”Fe”. In SMUGGLE yields are defined as the quantity of a specific element pro-

duced or consumed (depending on the sign) during stellar evolution. We define the yield

for an element i as yi(M,Z) = Mi,enrich(M,Z) −MZifrec(M,Z), where Mi,enrich(M,Z)

is the total mass of an element i expelled by a star of mass M and metallicity Z and

MZifrec(M,Z) is the initial mass of the element inside a star of mass M and metallicity

Z at the zero age main sequence. In this way, we have an expression that encapsulates

the element mass produced or consumed during stellar evolution. We can then calculate

the mass ejection rate for every traced element as follows:

∆Mi =

∫ M(t)

M(t+∆t)

(mfrec(m,Z)Zi + yi(m,Z))ϕ(m)dm. (2.9)

While for high masses (8M⊙ ≤M) it is assumed that ejection is due to SNII explosions,

for the low mass end the release in the ISM of the gas is more gentle through continuous

mass loss via AGB winds. In the next sections, we describe step by step the procedure

used in SMUGGLE to obtain the SNII rate, the mass ejection rate, and the cumulative

mass ejection in order to fully characterize the model.
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Figure 2.11: The Chabrier IMF used in SMUGGLE plotted against the Kroupa IMF used in

FIRE 3. Notice how the Chabrier IMF has slightly large values at the high mass end relative

to the Kroupa IMF. However, the two IMFs are largely comparable.

2.3.2 IMF

In this work we used both Chabrier IMF and Kroupa, used in Marinacci et al. (2019)

and Hopkins et al. (2022), respectively. Notice how the two IMFs resemble each other.

Therefore, we do not expect a great difference if we choose one respect to the other.

Since the Chabrier at the high mass end is a bigger value than the Kroupa, and since we

normalize the IMF from 0.1 M⊙ to 100 M⊙ we expect that Chabrier will return slightly

more mass. For the Chabrier IMF, we use this parametrization:

ΦC(m) =

Am
−1 exp

(
− log(m/mc)2

2σ2

)
, for m < 1M⊙

Bm−2.3, for m ≥ 1M⊙,
(2.10)

while for the Kroupa IMF we will use:

ΦK(m) =


Cm0.3, for m ≤ 0.08M⊙

Dm1.3, for 0.08M⊙ ≤ m < 0.5M⊙

Em2.3, for 0.5M⊙ ≤ m,

(2.11)
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where A,B,C,D and E are normalization factors depending on the mass range considered.

From now on we will report all the results using Chabrier IMF normalized between 0.1M⊙

and 100M⊙ unless otherwise specified.

2.3.3 Data interpolation

Our code computes the stellar evolution of an SSP starting from data encoded in .hdf5

tables. The code works for generic metallicity Z, which is considered the same for all

the stars in the SSP. The code derives the SSP evolution for an arbitrary metallicity Z

following these steps. Firstly, it finds the interval Zi+1 ≤ Z < Zi, where Zi+1 and Zi

are metallicity present in the .hdf5 file. For a generic function fspl(M,Z) of both stellar

massM and metallicity Z the code calculates the linear interpolation for this metallicity

as:

fspl(Mi, Z) =
fspl(Mi, Zi+1)− fspl(Mi, Zi)

Zi+1 − Zi
Z + fspl(Mi, Zi), (2.12)

keeping the mass fixed at first. In this way for a generic Z we find fspl(Mi, Z) for every

stellar mass present in the file. The code interpolate in log-space, this means that we

calculate the log10 of all the quantities and then we calculate eq. (2.12) for the set of

points we are interested in. This is because most of the quantity we are interested in

interpolating resemble power laws. Power-laws appear as straight lines in log-space,

making the linear interpolation more reliable. We want to find fspl(M,Z) for a generic

stellar mass also. We can repeat the same procedure of eq. (2.12), but this time keeping

Z fixed. We first found the interval Mi ≤ M < Mi+1 and then we interpolate between

masses:

fspl(M,Z) =
fspl(Mi+1, Z)− fspl(Mi, Z)

Mi+1 −Mi

M + fspl(Mi, Z) (2.13)

In our work fspl(M,Z) can be the lifetime function, the ejected mass in the end-life or

the elemental yields. Every time we will need to interpolate one of this quantity we will

refer to the procedure otulined in this subsection.

2.3.4 Lifetime function

In SMUGGLE, once a star particle forms, an SSP population is initialized at t0 simulation

time. The code finds an approximate expression for M = M(τ = t − t0, Z) where

τ is the SSP age. In Fig. 2.12 we see the data in the .hdf5 representing the lifetime

of the stars plotted in log scale. Each point indicates the lifetime of a star given its

mass, the points were read from the file. In the figure, we plotted two sets of data

for 2 different metallicities. We assume that this set of points samples the function
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M = M(τ = t − t0, Z). Following the steps we introduced in 2.3.3, we first solve

eq. (2.12) for the selected metallicity. Then we linearly interpolate between mass points

in log-space evaluating eq. (2.13). In this way, we get the approximate lifetime function

(in Fig. 2.12 the curve in green). This is a fundamental quantity used for any subsequent

determination of quantities related to stellar evolution in the model such as, for example,

the SNII rate in eq. (2.7).
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Figure 2.12: Interpolated lifetime function (green line). Notice how the green curve falls in

the middle of the orange and blue dots, as expected from the interpolation in metallicity.

In Fig. (2.12) we notice how around M ∼ 2 M⊙ we have higher density of sampled

points in the file. This is because the lifetime function for those masses can only be

accurately reproduced with a finer sampling. We also notice how for stars in the range

8M⊙ ≤M < 100M⊙ we only have 9 sampled points, making the sample in this interval

more coarsely sampled with respect to the other part of the plot.

2.3.5 SN rates

In SMUGGLE, once a star particle forms, an SSP population is initialized at t0 simulation

time. The code finds an approximate expression for M = M(τ = t − t0, Z) where τ

is the SSP age. In Fig. 2.12 we see the data in the .hdf5 representing the Getting the

rate of SNII requires calculating NSNII(t, t+∆t) and dividing it with ∆t. In our script,
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we initialize an array of 1000 masses m[i] from 8M⊙ to 100M⊙ with equal logarithm

spacing and for each of them we calculate the corresponding lifetime using the inverse

of the interpolated function τ . Initializing times and computing the corresponding mass

gives the same result. We then perform the numerical integral (2.7) using trapezoids

to get the rate of the SNII. We set the trapezoid integration by calculating the sum of

the IMF evaluated in masses with index i and i + 1. To get the final rate we multiply

by ∆M = m[i + 1] −m[i] and divide this by the difference between the stellar masses’

corresponding lifetimes ∆t = τ(m[i+1], Z)− τ(m[i], Z). With this procedure, we obtain

the rate per unit stellar mass plotted in Fig. 2.13.
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Figure 2.13: Type II supernova rates as a function of time extracted from SMUGGLE lookup

tables. We also plotted the rate for a different IMF and the one from the Fire-3 model(Hopkins

et al., 2022).

The discontinuities in the first derivative are an artifact of the interpolated lifetime

function. This is confirmed by the fact that the number of discontinuities is equal to the

number of mass points between 8M⊙ and 100M⊙ contained in the file. We expect this

oscillation of the rate to not significantly influence the outcome of the simulations using

SMUGGLE, since, as we discussed in section 2.3.1, the number of SNII is sampled from

a Poisson distribution and therefore some degree of stochasticity is expected.
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2.3.6 SNII mass ejection

In the hdf5 table, the amount of expelled material in supernova explosions is found

for a set of masses and sampled metallicities. To be consistent with the SMUGGLE

model, we need to derive from the data contained in the file the efficiency function,

namely, the mass ejected normalized to the initial stellar mass. This efficiency function

is interpolated by following the procedure in subsection 2.3.3. In this work, we used two

different tables for high-mass stars (M > 8M⊙). The first table ignores the presence

of continuous mass loss throughout the lifetime of the stars and returns all the mass

when the star explodes. The second table uses the parameterization for OB stars winds

provided in Fire-2 (Hopkins et al., 2018). In the latter case the mass ejection from SNII

is re-normalized in a way that makes the cumulative mass loss equal to the case with no

winds. Notice that implementing winds as an explicit function of the age of the stellar

population makes the winds depend on the chosen IMF. If we were to change the IMF,

we would need to change also the normalization of the ejected mass in the model with

the winds. We report both efficiencies in Fig. 2.14.
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Figure 2.14: Ejection efficiency for SNII. The y-axis is not log-scaled. In the right panel, we

show the model that considers the continuous mass loss from winds, on the right panel we do

not have any continuous mass loss, and all the mass is returned by SNII explosions.

The efficiencies in the model that incorporates the winds have much less dependency on

the metallicity of the SSP, while this dependency is much more enhanced in the model

that implements winds. This is because winds depend on the metal content of the star

and the mass loss from them becomes more prominent with increasing metallicity Vink

et al. (2001). To calculate the specific mass ejection rate (i.e., the mass ejected by the

entire SSP per unit mass and time) by SNII we solve numerically with trapezoids the
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integral (2.7) and divide by ∆t. We integrate with trapezoids the IMF multiplied by the

interpolated ejection efficiency and the mass of the star knowing the lifetime function.

The result is shown in figure 2.15.
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Figure 2.15: Specific mass ejection rate for both models calculated at Z=0.02. In gold we see

the original model from Portinari et al. (1998), while in green we see the model currently used

in SMUGGLE, in which the ejection from the SNII is renormalized considering the winds from

Hopkins et al. (2018)

Notice how the two ejection rates have the same shape, but the model that considers

all mass loss as occurring at the end-life phase consistently has a higher rate. This is

expected based on how the model with winds has been defined.

2.3.7 Low mass stars

Stars with masses M ≤ 8M⊙ release gas in the ISM without undergoing a core-collapse

SN explosion, so they are attached to different feedback channels (equal to stellar winds).

For this reason, we have a different table (with the same format as the one for SNII)

from which we get the data. For simplicity, we will call the contribution from low-mass

stars the AGB channel.

Calculating the mass rate from the AGB involves the same procedure as for the high-mass

stars. Therefore, we just report the result in Fig. 2.16.

57



2 Methods

2× 100 3× 100 4× 100

M [M�]

0.0

0.2

0.4

0.6

0.8

1.0

1.2

1.4

1.6

E
je

ct
ed

m
as

s
effi

ce
n

cy
f r
ec

(M
,Z

) Efficiency f(M,Z = 0.01) Margio

Data for Z=0.008

Data for Z=0.02

Figure 2.16: Ejection efficiency of stars with M ≤ 8M⊙. Notice how the efficiency has a

smoother trend with respect to the SNII case reported in Fig. (2.14)

The hdf5 file presents only masses up to 5 M⊙, so we kept the efficiency constant at

f(5M⊙, Z) in the mass interval 5M⊙ ≤ M < 8M⊙. In the case of the AGB stars, all

the mass is considered to be lost in the last phase of stellar evolution. The efficiency of

the emission has a growing trend towards higher masses. This is because the mass of the

remnant has no linear dependence on the initial stellar mass.

2.3.8 Total mass ejection

Adding all the contribution together we can plot the total stellar mass ejection rate from

the SSP in Fig. 2.17.
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Figure 2.17: Specific mass ejection rate considering all stellar evolution channels for Z=0.02.

We plot in green the model with the stellar winds taken from Hopkins et al. (2018) and in

yellow the one that incorporates all the mass losses in the SN explosion. The red line represent

the mass ejection rate due to AGB stars.

In Fig. 2.17 we observe how by taking into account O/B winds the SSP starts immediately

to eject mass. This is a more realistic scenario compared to the case in which all the

mass is released in SNII explosions, from now on we will refer to the model with winds

implemented as the ”current SMUGGLE model”. We highlight how the ejection rate

function resembles a power law. Adding the winds from Fire-2 in the model makes the

slope of the ejection rate pretty different with a higher peak at ∼ 2 Myr. We also have

a prominent bump in the mass ejection rate at t ∼ 109. This value is important since it

corresponds to the place where we have more stellar masses in the table for sampling the

lifetime function; we will show in the next section 3.4.1 that the bump is not an artifact

of the interpolation, but a feature of the stellar evolution model adopted.

We can then calculate the total mass ejected per unit stellar mass integrating with

trapezoids the specific mass ejection rate. We report both models, separating the different

contributions in Fig. 2.18.
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Figure 2.18: Cumulative ejected mass fraction from an SSP in the model currently imple-

mented in SMUGGLE, with the winds taken from Hopkins et al. (2018).

We will discuss in detail the features of the current SMUGGLE model in Chapter 4

when we will compare it with all the other presented in this work.

2.3.9 Elemental Yields

As discussed in subsection 2.3.1, yields in the SMUGGLE model encode the variation

of the abundance of a specific element in stellar evolution. In the hdf5 tables, we have

for every mass at each metallicity the value of the yield of elements explicitly tracked by

SMUGGLE and the total metal yield (the yield of all the elements including those not

explicitly followed by the model that is not Hydrogen nor Helium). The procedure to

interpolate the mass rate for a single element is the same as done for the mass rate (see

subsection 2.3.3). We find the yield for the initial metallicity interpolating in log space

for all the masses sampled in the table. We then interpolate the yield for a specific mass

in log space. The result of this procedure are shown in Fig. 2.19 for stars with mass

8M⊙ ≤M ≤ 100M⊙ and in Fig. 2.20 for 0.8M⊙ ≤M ≤ 8M⊙.
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Figure 2.19: Yields for each chemical element that are explicitly tracked by SMUGGLE

stellar evolution tables for massive stars that explode as SNII. All the yields are calculated for

Z = 0.01.
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Figure 2.20: Yields for each chemical element that explicitly tracked by SMUGGLE stellar

evolution tables for AGB stars. All the yields are calculated for Z=0.01. Heavier elements are

not produced by low mass stars that do not explode as SNII, consistently the yield for those

elements is zero.

To produce the plots, we solve eq. (2.9) numerically with the trapezoids and divide by

∆t. In this way, we obtain the mass ejection rate for every species. Integrating the mass

ejection rate for every single element in time results in the cumulative function for each

element. We report the cumulative mass fraction for each element in Fig. 2.21
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Figure 2.21: Cumulative mass function for all the elements followed by the SMUGGLE code.

As we notice, the highest mass fractions of elements ejected are those of hydrogen and

helium. Winds become less and less relevant for heavier elements, this is because in

SMUGGLE winds eject mass with the same initial chemical composition of the star (i.e.

it is assumed that no production of new chemical species is involved). Notice also that

for elements that have zero yields for the AGB, the cumulative function after SNII stops

to explode is simply the total cumulative function re-normalized to the abundance of

that element. This implies that the shape of the total cumulative AGB ejection is the

same that we observe in Fig. 2.18.

2.3.10 Total Metal Yield

Metals are fundamental. The cooling of the gas is regulated by the function Λ(T, Z). Λ

is strongly effected by the metal enrichment of the gas (see sec. 1.7 for details), the more

the metals the more the cooling. This directly effect star formation in galaxies. The

hdf5 tables contain the yield for the total metal content, so that the Z of the gas can be

estimated more accurately. By following the same procedure as for individual elements

we can interpolate and get the expected metal yield as a function of stellar mass. An

example of this procedure for a stellar metallicity Z = 0.01 is shown in Fig. 2.22.
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Figure 2.22: Yield for the total metal production of both AGB stars and massive stars

exploding as SNII as a function of mass for Z = 0.01.

In Fig. 2.22 it is clear that most of the metal production is concentrated in stars

with masses higher then 8M⊙ (i.e. SNII explosions). Also a notable dependency on

metallicity is present especially for M > 40M⊙. We then calculate and plot the metal

ejection rate per unit stellar mass by numerically evaluating eq. (2.9). We report the

result in Fig. 2.23.
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Figure 2.23: Specific metal ejection rate from total yield calculated for Z=0.02. For SNII we

used the model not considerin stellar winds.

We notice how some of the features present in the mass ejection rate (Fig. 2.15 and

Fig. 2.17) are also present in this plot. The rate is an order of magnitude lower than

the one of the total mass. Is also worth noting that when passing from SNII to AGB

the rate drops, this is due to the fact that metal production is lower in low-mass stars,

as we can see in Fig. 2.22. We can better appreciate the contribution to the total metal

ejection by plotting the cumulative functions of the metal ejection (Fig. 2.24).
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Figure 2.24: Cumulative metal ejection fraction from total yield calculated for Z=0.02. We

plotted both the contributions from SNII and from AGB.

As we can see the total mass in metals at t = 1010 yr is 2.3% of the initial mass of

the SSP. The total mass ejected from SNII and AGB without including the winds is

the 35% of total SSP mass. If we consider that winds expel the 7.5% of the total mass

with Z = 0.02 (i.e. the initial metallicity) we have that the expelled gas has an average

metallicity of Z = 0.05. Carrying the same analysis at lower metallicity, we found that

the total mass of the metals released by the stars is 3% of the total SSP. This is a higher

value relative to the high metallicity case. If we consider the winds, the gas expelled has

on average Z = 0.07.
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Model Construction

3.1 Introduction

One of the main goals of this thesis work is to build a new model for stellar evolution to

be used in the ISM and stellar feedback model SMUGGLE. Since SMUGGLE reads the

stellar evolutionary data from a set of hdf5 tables, we aim to produce a new set of such

tables in a format directly readable by the model (see Appendix A for further details on

the structure of these files). Making the new stellar evolution tables requires us to find

a set of masses and metallicities that sample the lifetime, mass ejection, and elemental

yields of a Simple Stellar Population (SSP). One way to approach the problem is to

use software that simulates the evolution of an entire stellar population and translates

this output into a set of hdf5 tables readable by SMUGGLE. Throughout the years

many different SSP codes were developed, one of the most successful and widely used

is STARBURST99 (Leitherer et al., 1999). The main advantage of STARBURST99 is

the possibility to perform simulations of an entire SSP changing every time the initial

conditions, such as the IMF and stellar spins and metallicities. New stellar evolution

tracks can be added to the software using more and more refined stellar evolution codes.

Tracks can be selected before launching the run. This flexibility allows for the continuous

update of the output results, making STARBURST99 the standard choice for many

researchers in the field, from pure simulation to more observational purposes (see, for

example, Hopkins et al. 2022). In this work, however, we decided to opt for another
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approach. The natural way to produce a new stellar evolution model for SMUGGLE is

to simulate the evolution of stars one by one. In recent years many different codes that

simulate the stellar evolution of individual (or binary) stars were developed; software like

MESA (Paxton et al., 2013, 2019), and Parsec (Bressan et al., 2012; Nguyen et al., 2022)

are some of the many codes that simulate stellar evolution. The issue with these codes

comes from the computational time needed to simulate very accurately the life cycle of

a star. Especially at low masses (from 0.1 M⊙ to 2 M⊙), their performance can become

time-consuming, since the lifetime of these stars is 3/4 orders of magnitude higher than

the lifetime of the massive stars. The data we are interested in are the lifetime, and the

mass loss, both from continuous (stellar winds and AGB stars) and explosive (SNII1)

channels and the chemical element production. As discussed in the previous chapter,

we approximate all the post-main-sequence evolution as a single timestep after the star

leaves the main sequence. We can then approximate both SNII and (post)AGB evolution

as instantaneous events that happen in a single timestep. Mass loss by winds is still a

very active and debated topic in the stellar evolution community. Without going in into

the very fine details of the properties of the winds, our objective is then to have winds

that expel a quantity of mass that is consistent with the ejected mass in the end-life

phase and the mass of the remnant. All these considerations on the type of analysis we

want to carry out push us towards a fast computing code for the evolution of individual

stars. We would like this code to run effectively many simulations that could explore a

large array of different initial conditions. It is for these reasons that we decided to use

the stellar evolution code SEVN to build our new stellar evolution model.

3.2 The SEVN code

SEVN (Iorio et al., 2023) is a publicly available code for stellar evolution. While detailed

stellar evolution codes like MESA and PARSEC solve numerically the Euler equations

for each timestep, stellar population synthesis models use analytical and semi-analytical

recipes to solve both single and double stellar evolution. The distinctive feature of SEVN

lies in the possibility of evolving both binary systems and using pre-computed evolution

tracks for given initial conditions. The code interpolates among these tracks on the fly to

get the stellar evolution for any set of initial parameters. SEVN installation comes with

three different stellar evolution tracks, two from PARSEC (Nguyen et al., 2022; Iorio

et al., 2023), and one from MIST tracks (Choi et al., 2016), computed with MESA. The

1The contribution of SNIa will still be treated with a DTD approach, see Section 2.2.1
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PARSEC tables are computed with overshooting parameters λov = 0.4 and λov = 0.5,

while MIST tracks adopt a different parametrization in which convective bubbles are

destructed by diffusion effects, parametrizing the efficiency of the mixing instead (see

section 3.6.2 of Choi et al. 2016 for more in depth details). The overshooting parameter

is a factor that quantifies the distance a convection cell travels passing from an unstable

convective region to a stable one. This is one of the most difficult parameters to model

in stellar evolution, so we need to assume a fiducial set of tracks when we will implement

the new model in SMUGGLE.

Is worth noting that SEVN allows for the inclusion of custom stellar evolution tracks;

this will allow us to implement more up-to-date tracks once they will be used in the next

generation of simulations.

The first aspect of SEVN we need to analyze is the effect of its key input parameters on

the evolution of the simulated star. This analysis requires us to run the program many

times, changing for each simulation the stellar mass, metallicity, spin, SN formalism (i.e.

core-collapse explosion model), and stellar track available. This is feasible due to the

speed and efficiency of the SEVN code. Time steps are adaptive, depending on the phase

of the star’s evolution. The operation performed for every timestep is an interpolation

between pre-computed tracks. Therefore, the computation is very fast (∼ 5 s on the

Apple M1 processor for simulating 1 star). To run SEVN we use a bash script in which

we can modify the running parameters of the simulation. In the run script, we pass a

text file containing the initial conditions of the simulation, that are reported in Table 3.1.

For flexibility, we have written a bash script to launch the code looping around a given

M Z Ωs sn tstart tend dtout seed (optional)

Table 3.1: List of the initial conditions of a typical SEVN simulation. In the table, M is the

initial mass, Z is the metallicity, Ωs is the spin parameter (defined in subsection 3.3.1), sn is

the formalism used for the eventual SNII explosion, tstart is the initial stellar time at which the

simulation start (the zero-age main sequence, ZAMS, in our case), tend is the final evolution

phases we want our calculation to be performed (the formation of a remnant), dtout is the time

interval between the data we want to store in the output file, and seed is a random number

used to set stochastic initial conditions.

array of parameters; namely masses, metallicity, spin, and Sn formalism. We then store

the output in a specific directory for each parameter combination.

The data of the simulated star are stored in a .csv file. Data that are printed in the same

row of the output file all correspond to a specific simulation time. In the first column, we
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find the time starting from the zero-age main sequence (ZAMS) up to the end-life event;

for each simulation time, we have the stellar mass, the mass of the helium nucleus, and

the mass of the Carbon/Oxygen nucleus, the radius of the star, the actual phase of the

stellar evolution, the type of remnant and the ratio between the mass difference and the

timestep (i.e. the mass loss rate), are provided. In Fig. 3.1 we present an example of

such a .csv output file.

Figure 3.1: First rows of a SEVN .csv output file. Each row reports quantities corresponding

to the same stellar time detailed in the first column. The Phase column can be used to

distinguish the different evolutionary phases of the simulated star.

Using the phase column of the output file, we can separate the main sequence from the

post main sequence evolution. This is particularly helpful because, as mentioned several

times, we will adopt the approximation that all the post-main sequence mass loss occurs

instantaneously in a single timestep.

3.3 Parameter dependencies

Our first task is to understand how changing the initial conditions affects the evolution

of a single star simulated with SEVN. While for the mass and metallicity, we expect

significant change, for the other two key run parameters, stellar spin and supernova for-

malism, this change is not immediate to quantify. To evaluate how changing parameters

affect the simulation, we compare the total lifetime and the final remnant mass after

changing spin and supernova formalism. We will assume the mass consumption due to

thermonuclear fusion is negligible, this implies that the total mass injected in the ISM

by a star in its lifetime is simply the difference between the star’s initial mass minus the

remnant. Comparing the mass of the remnant will allow us to estimate how much the

different models for explosion and the spin will impact the total mass released in the

ISM.
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3.3.1 Spin parameter dependencies

We first concentrate on the spin parameter, this is defined as:

Ωs =
Ω

Ωc

(3.1)

where Ω is the angular velocity at the surface of the star and Ωc is a critical angular

velocity defined as the angular velocity at which the centrifugal force becomes as strong

as the surface gravity of the star. We expect this parameter to not change the evolution

of single stars since in all available tracks in SEVN are computed without the stellar

rotation.

To confirm this expectation we ran various simulations for different stellar masses and

different spins using an array of 20 spins spanning from Ωs = 0 to Ωs = 1. The results

of these simulations show that no changes in stellar evolution are present. This was an

expected result since all the stellar tracks in SEVN are computed without rotation. After

verifying that rotation is not important we set this value at Ωs = 0.1.

3.3.2 Type II Supernova Formalism

The processes involved in core-collapse supernova explosions and the subsequent forma-

tion of remnants are still a very active subject of research. Throughout the years a large

amount of theoretical and observational work has been performed to understand the

mechanism of the explosion (Burrows & Vartanyan, 2021). While there is a general con-

sensus on what generates the explosion nowadays, many authors have proposed various

models that lead to different predictions for the mass and the type of remnant that a

progenitor star leaves behind. Since ruling out models is a difficult task with the current

observational evidence, many different formalisms are still very popular in the literature.

It is for this reason that in SEVN four different SNII formalisms are available:

• Rapid formalism from Fryer et al. (2012).

• Delayed formalism from Fryer et al. (2012).

• Compact formalism from Mapelli et al. (2020).

• Deathmatrix formalism from Woosley et al. (2020).

The Rapid and Delayed formalisms have been widely used in recent years. The names

Rapid and Delayed stand for the different timing for the reviving of the shock in the SN

explosion. In both cases, the mass of the remnant depends on the mass of the C/O core.
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In recent years, gravitational waves astronomy suggested that both Fryer formalims show

some incosistency with the observational findings. Still the ”Delayed” model seems to

predicts better the mass distribution of the BH mass spectrum observed in the merger

signals (Zevin et al., 2020). The Compact formalism is a very promising type of model,

based on the compactness of the core defined as:

ξ2.5 =
2.5

R(2.5 M⊙)/1000 km
(3.2)

at the denominator, we find the radius at which 2.5 M⊙ are enclosed with 1000 km. We

can use this parameter to determine if the star is going to expel the outer layers or go

through a direct collapse into a black hole. Since in SEVN no precise stellar profile

is given, they use the relation found in Mapelli et al. (2020) to correlate the mass of

the C/O core with the compactness of a monotonic function. Since this relation is still

debated, we decided to not consider this formalism, waiting for more consistent sets of

results. The last formalism available is based on the results ofWoosley et al. (2020).

In this work, they simulated pure He stars (i.e. stars made predominantly of Helium,

without hydrogen).
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Figure 3.2: Remnant mass as a function of the initial stellar mass for the different SNII

formalisms explored in this work. The simulations are performed with PARSEC tracks with

λov = 0.5, Z=0.02.
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This implies that the mass of the compact object does not account for the mass of

hydrogen left in the outer layer. We then modified the SEVN code adding a routine in

which if the remnant mass is more than 99% of the stellar mass the event is considered

as a direct collapse and all the mass of the hydrogen is added to the remnant, while,

on the contrary, the hydrogen mass is expelled(see Appendix C for more detail on the

manner).

After describing each selectable formalism, we started to study the mass of the remnant

as a function of the initial stellar mass for different SN explosion models. As anticipated,

this is critical to estimate the total mass injected back into the ISM.

The results of our tests (Fig. 3.2) show that different models of explosions predict different

remnant masses, and so different mass injected into the ISM, as a function of the initial

stellar mass. The difference between models of SNII explosion is also found for all

the evolutionary tracks at all metallicities. The value of the remnant mass for Rapid,

Delayed, and Compact formalisms assumes the same value for high masses (M > 50M⊙).

The main differences between models are found in the mass interval 20M⊙ < M < 50M⊙.

We can appreciate some common features like the threshold that separates the explosion

from the direct collapse in a black hole, where the remnant mass becomes significantly

larger. The main difference between the models emerges when, at fixed mass, the type of

remnant they leave behind is not the same. For instance, if the star directly collapses into

a black hole, the remnant mass would be much larger (and therefore the mass returned

to the ISM consequently lower) than if the star ended its life as a neutron star. After

verifying that spin does not influence the output, while the selected formalism does, we

will discuss the construction of the new stellar evolution model in the remaining sections

of the chapter.

3.4 End-of-life mass loss

In this section, we aim to construct the new hdf5 tables encoding the mass ejected at the

end of the star’s evolution using the output of the code SEVN. To achieve this, we first

simulated ∼ 100 stars at 10 metallicities for each mass, and then we chose a subset of

simulated stars representing a better trade-off between an accurate representation of the

SSP and the lowest possible number of points to save memory. In this way, we obtained

the new sample of masses and metallicities that will be transcribed in the new .hdf5

tables. For each element of the new sample (i.e. a mass and a metallicity) we performed

simulations for all the stellar tracks and SN formalisms available in SEVN. Notice that

the lowest computable stellar mass for the PARSEC tracks is 2.2 M⊙. Therefore, to
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obtain a complete description of the entire SSP for all the tracks we compute the stars

with mass 0.8M⊙ ≤M ≤ 2.2M⊙ using the MIST tracks and then append the results to

the ones obtained with the PARSEC model.

What follows is a description of the done steps to analyze and create the new stellar

evolution model from the new stellar sample2. To achieve this, the choice of the stellar

track and explosion model over which we perform the computation is critical. Hence, in

the next subsections, we will also compare how different tracks and SN formalisms affect

the resulting model.

3.4.1 Lifetime function and SNII rate

In this section, we describe how the new sample of simulated stellar masses better ap-

proximates the lifetime function and the end-of-life rate. For stars with M ≥ 8M⊙ we

sampled stellar masses as: [8, 9, 12, 15, 20, 23, 24, 25, 26, 28, 30, 33, 36, 40, 50, 60, 70,

80, 90, 100, 120] M⊙; in this regime we aim to describe more accurately the high mass

range from 40 M⊙ to 100 M⊙. The old sample presented only 4 masses in this interval

leading to an oscillating rate (Fig. 2.13). Also, we enlarge the sample from 20 M⊙ to

30 M⊙ since in this region we have the direct collapse of SNII (see subsection 3.4.2). If

we do not carefully sample this area we risk not considering the direct collapse in the

remnant mass (Fig. 3.2). For stars with M < 8M⊙ we chose: [ 0.8, 0.9, 1, 1.1, 1.2, 1.3,

1.4, 1.5, 1.6, 1.7, 1.8, 1.9, 2, 2.1, 2.2, 2.3, 2.4, 2.5, 3, 3.5, 4, 4.5, 5, 6, 7]M⊙. The sample

is pretty similar to the one in the old model. We just increased the number of masses

around 2-3 M⊙ since in this region we have a peculiar behavior of the lifetime function

(see Fig. 3.3). In the implemented code for the generation of the new .hdf5 tables, we

treated separately the case of massive stars ending their life as SNII and low mass stars,

which we refer to as AGB.

One of the main issues with the old model was the discontinuities found in the SNII rate

and the injection mass rate (see Fig. 2.13 and Fig. 2.17). We take as a working hypothesis

that such discontinuities were due to the coarse mass sampling of the old tables derived

from Portinari et al. (1998). With SEVN we can refine the number of sampled stellar

masses and verify this hypothesis. We construct a new lifetime function τS(M,Z) using

the SEVN code, and we compare the old lifetime function and the new one in Fig. 3.3.

2All the code used in this section is available at https://github.com/lorevannini/

Thesis-project/tree/main/SEVN_model.
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Figure 3.3: Lifetime function for the old (blue) and new (orange) SMUGGLE model for

a metallicity Z = 0.02. Every track available in SEVN corresponds to a different lifetime

function, in this plot, we show only the PARSEC track in order to emphasize the fact that the

lifetime function of the new model is different from the old implementation used in SMUGGLE.

In Fig. 3.3 we show the lifetime function with the new sampling. Around 2 M⊙ the

lifetime function has a complicated form. This feature is also present in the old lifetime

function but is shifted to lower masses at higher times. We also enhanced the number

of high-mass stars (M > 10M⊙), where the old model had a very thinned-out sampling

(only 8 points from 10 M⊙ to 100 M⊙). Notice how the two functions are very similar

to each other with the new model being a little bit lower in the high mass end. The

procedure to obtain the SNII rate is analogous to the one described in section 2.3.1, in

fact, the structure of the model is the same, we only change the data from which the

lifetime of each star is interpolated. We then evaluate eq. (2.7) with the new lifetime

obtained with SEVN. In such a way we get the rate of explosion of SNII. We report this

result in Fig. 3.4.
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Figure 3.4: Specific SNII rate for the new model at the different metallicities as indicated in

the legend. We used the PARSEC tracks with λov = 0.5 for this plot. Notice how enhancing the

number of masses leads to a less discontinuous rate compared with the old SMUGGLE model.

The number of discontinuities is the same as the number of masses used in the interpolation,

confirming the trend observed for the old model. Notice how at lower metallicity the rate

decreases with respect to the one determined for Z = 0.02 for the massive stars withM ≥ 20M⊙

and increases at the low-mass end.

In principle, we could enlarge the number of masses to have an even better depiction

of the rate, but we need to keep in mind that these tables are to be used in (memory

and computationally intensive) galaxy formation simulations. Thus, we are faced with

a trade-off between an accurate description of stellar evolution and the keeping number

of sampled masses as low as possible in order to save memory.

As previously mentioned, SEVN comes with various different stellar evolutionary tracks.

Therefore, we investigate how choosing different tracks impacts the rate of SNII explo-

sions. This is important since the mass ejection rate is closely related to the rate of

explosion.
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Figure 3.5: Specific SNII rate for the new model with MIST (green) an PARSEC (blue) tracks

with λov = 0.5. The two rates differ since the lifetime function from MESA has a different

shape compared to the one in PARSEC.

In Fig. 3.5 is clear that changing the tracks changes the rate of SNII explosion, this

is due to different lifetime functions from MIST and PARSEC. Notice that the MIST

rate is lower and shifted to larger times relative to PARSEC. We expect the function

describing the rate at which the mass is expelled by stars (mass ejection rate) to resemble

the shape of the end-life rate. By repeating the same procedure described above, that

is integrate the IMF using the inverse of the lifetime function as extremes for masses

0.8M⊙ ≤ M < 8M⊙, we can also observe the rate of end-life events for low-mass stars.

We plot this in Fig. 3.6.
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Figure 3.6: AGB end-life-ate rate using the new sampling, we used the PARSEC tracks with

λov = 0.5 to obtain this plot. Notice how The lifetime of the stars reduces at low metallicity.

This implies an increase in the event rate enlarges.

In Fig. 3.6, we notice how around 109 yr we have a spike in the rate. This effect is due to

the lifetime function becoming flatter for ∼ 2M⊙, around this mass the lifetime function

has a lower steepness, and this reduced steepness makes the rate of events increase. To

ensure that this spike has a physical origin and it is not an interpolation artifact, we

used for this mass interval a very fine mass sampling. The result obtained with the finer

sample resemble the one reported in this figure. After finding a new set of masses for

the sampling and discussing the new end-life stellar rates, we proceed to present the

efficiency function and the mass ejection rate of the new model in the next subsections.

3.4.2 Efficiency function of the new model

We want to quantify the mass ejected by a star using the SEVN code and then write

the results in a .hdf5 table readable by AREPO. To do this we need to determine the

mass ejected by each star in the sample. SEVN’s output file contains a column with

a string that specifies the evolutionary state of the star (see Fig. 3.1). We use this

column to discriminate two phases: main-sequence and post main-sequence. All the

mass loss during the main-sequence are considered as continuous stellar winds, while
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all the mass loss happening after the main-sequence is released in the end-of-life event.

We can obtain the end-life mass loss by subtracting the mass of the remnant from the

mass of the star at the last timestep before leaving the main sequence. As we can see

in eq. (2.8) the mass ejection rate depends on the efficiency function frec(M,Z). This

function is defined as the ratio between the ejected mass in the post main-sequence phase

(i.e. the difference between the mass entering the post main-sequence and the remnant

mass) and the initial stellar mass (the mass at the ZAMS). We use the mass return

efficiency function fSrec(M,Z) (we used the index S to indicate the new function obtained

with SEVN) to study in detail the new model. In this subsection, we first quantify

how metal content affects the ejection of mass for all stars. Then we analyze how the

efficiency is affected by the choice of the stellar track available and lastly, we investigate

the differences that emerge from changing the SN explosion model. In Fig. 3.7 we see

how the function fSrec(M,Z) depends on the initial stellar mass and metallicity. To make

this plot we used the PARSEC tracks with λov = 0.5 and the delayed SN formalism.
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Figure 3.7: fSrec(M,Z) as a function of masses plotted for the metallicities indicated in the

legend. We separated low-mass stars that end their life as planetary nebula (left) and the ones

that explode as SNII (right).

In Fig. 3.7 we see that while forM < 20M⊙ we have a mild dependency on metallicity, for

higher mass stars metal content influences dramatically the shape of the function. We see

a sudden drop at M ∼ 20M⊙. This drop corresponds to the lower stellar mass at which

the remnant is a black hole, making the end of life a direct gravitational collapse. The

general trend with metallicity is clear. When the metal content of the star is decreasing

efficiency decreases, so that less mass is returned on average at a fixed stellar mass. This

stops to be true for massive stars with M > 60M⊙ where the trend seems to invert,

this is due to mass losses from pair instabilities at high metallicity (see Figure 8 in Iorio

et al. 2023). However, we still expect less mass injection at lower metallicities; in fact
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stars with M > 60M⊙ contain a small percentage (about 3% for a Chabrier IMF) of the

total mass of the SSP, whereas stars with 8M⊙ ≤ M ≤ 60M⊙ instead contain 20% of

the total mass. For the other evolutionary tracks and SN formalisms, we get a similar

trend of fSrec(M,Z) with metallicity.

We then evaluate fSrec(M,Z) with different evolutionary tracks to see how these changes

affect the efficiency function.
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Figure 3.8: fSrec(M,Z) as a function of mass plotted for the three evolutionary tracks available

in the SEVN code at solar metallicity using the delayed SN formalism. Also in this case we

separated the plot into two parts for low-mass stars (left) and SNII end-life events (right). The

label ”mesa” indicate the MIST tracks.

We present these results in Fig. 3.8. The two PARSEC tracks resemble each other,

especially at the high mass end of the plot (M > 60M⊙) and for M < 7M⊙. We would

like to point out that for M < 2.2M⊙ the efficiency becomes exactly the same since

only MIST tracks can be used in this mass range. In general, we can observe common

features between the models, such as the drop of fSrec at M ∼ 20M⊙ and a decreasing

trend in the function for M > 20M⊙. We then conclude that we will need to investigate

more in detail how changing the tracks changes the total mass return fraction (i.e. how

much mass the SSP returns to the ISM). As we discussed in section 3.3, we also expect

the chosen SN formalism to affect the mass returned, if this is true, we should have

significant differences in the efficiency of mass injection. To analyze this. In Fig. 3.9 we

plot fSrec using PARSEC with λov = 0.5 at Z = 0.02.
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Figure 3.9: fSrec(M,Z) as a function of masses plotted for the four SN formalisms available in

the SEVN code at solar metallicity. Notice that for M > 50M⊙ and M < 12M⊙ the function

are the same

All the models have a sudden drop at ∼ 20M⊙, the ”delayed” model shows a less

prominent drop and a more smooth overall shape of the efficiency function. Given

the difference between models in Fig. 3.8 we expect different mass ejection rates and

total mass ejection fraction if we change the SN formalism used. Notice how the real

difference between all of the four formalisms is in the range 20M⊙−50M⊙, at lower and

higher masses the function is essentially unchanged. The differences in the mass range

20M⊙ − 50M⊙ are mostly due to the uncertainties on the BH remnant mass, which

strongly depends on the explosion mechanism considered. We have investigated the new

efficiency function and all its possible declinations depending on the tracks, SN explosion

model, and metallicity. We confirmed an overall decreasing trend of ejection efficiency

with metallicity. To understand and predict how the new model will affect the mass

released in the simulation we will calculate the mass ejection rate and the total mass

ejection fraction in the next subsections.
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3.4.3 Mass ejection rate

In the SMUGGLE code, the mass released by a single stellar particle depends on the

phase of the evolution of the stellar population encoded. For each timestep, a percentage

of the initial mass is released from both stellar winds and end-life stellar events. Eval-

uating the mass ejection rate enables us to understand how fast the gas in an SSP is

released back to the ISM and can be reused, for example, to make new stars. In this

subsection, we adopt a structure simular to subsection 3.4.2. At first study how the mass

ejection rate is affected by the metal content, we then study different evolutionary tracks

and finally we concentrate on the SN explosion model. Once we obtained the efficiency

function the procedure to calculate the mass ejection is the same as the one used for the

older model. Namely, we solve numerically the integral (2.8) with the trapezoids method,

using the new lifetime function MS(t, Z) and the new efficiency function fSrec(m,Z)

∆MS(t,∆t, Z) =

∫ MS(t)

MS(t+∆t)

mfSrec(m,Z)ϕ(m)dm (3.3)

To asses the dependence on the metallicity of the new mass ejection rate function, we

plot the mass ejection rate of the λov = 0.5 track for two different metallicity values in

Fig. 3.10.
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Figure 3.10: Specific mass ejection rate by the entire SSP using SEVN, we used the delayed

formalism with the PARSEC λov = 0.5 tracks. We analyze here how the different metallicities

used impact the overall mass ejection rate from end-of-life events. Notice how the feature

we discussed the efficiency function is present also in the mass ejection rate (i.e. metallicity

dependence, a spike in the AGB phase, spike at high mass for BH formation threshold).
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fSrec is responsible for the observed shapes, as we can notice comparing Fig. 3.10 and

Fig. 3.7. For high mass (so for early times) the mass ejection rate is higher for lower

metallicity. We have a sudden drop that is not present in the solar metallicity case, this

is completely analogous to the features we observe in Fig. 3.7. Is also worth noticing how

even if the efficiency function for stars with M < 20M⊙ is smaller for lower metallicity,

the ejection rate remains higher until t ∼ 3 ∗ 109 yr because lower metallicity stars live

less. This effect increases the end-life rate and consequentially the mass ejection rate.

The shape of the end-life rate is also responsible for the bump around ∼ 109 yr. This

tends to be more prominent for higher metallicities, while for lower ones is shifted to

earlier times and is less prominent. After assessing the metallicity dependence, we aim

to understand how the mass ejection rate changes if we change the stellar tracks used for

the computation. We show the ejection rate for different evolutionary tracks in Fig. 3.11.
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Figure 3.11: Specific mass ejection rate by the entire SSP using SEVN for Z=0.02. We report

here how the different tracks used impact the rate. Notice how the features we discussed about

the efficiency function are present also in the mass ejection rate.

The three lines corresponding to the three different stellar tracks present a very similar

shape, only minor differences can be found in the ejection rate. This similarity between

the different tracks used is observed also if we repeat the computation with other SN

models. Notice how depending on the track used the behavior of the ejection rate near

the bump at ∼ 109 changes. After this time the rate is the same for all tracks since only
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the MIST tracks can be used. Finally, we plot how the SN formalism affects the mass

ejection rate Fig. 3.12.
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Figure 3.12: We report here how the different SNII formalism used impacts the rate calculated

with λov = 0.5 tracks and Z=0.02. We reported only the early time part of the mass ejection

rate since it is the only part effected by the SN explosion mechanism.

What we can notice in Fig. 3.12 is that Compact, Rapid, and Deathmatrix present a dip

in the mass ejection rate due to the formation of a BH remnant. Instead Delayed model

does not show this feature. This difference for the delayed model is due to the different

behavior we can observe in the efficiency function in Fig. 3.8. The part of the plot in

which we have a strong dependence on the model occurs for ages between 2 ∗ 106 − 107

yr. This is the region corresponding to stellar masses in the range 20M⊙ < M < 60M⊙,

where we have the most uncertainties about the remnant mass and consequently about

the mass loss of the star.

For every timestep, the SMUGGLE code calculates for the stellar particle the total mass

ejected for the duration of that timestep (i.e. the numerical integral of the ejection rate).

To have a complete understanding of the impact of different parameter choices in the

model we need to calculate the total (cumulative) mass fraction ejected by the stars.

This will be the topic examined in the next subsection.
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3.4.4 Total mass ejection fraction

To have a complete understanding of the impact of the different initial parameters of

SEVN on the evolution of an SSP, we need to calculate its total ejected mass fraction. In

fact, one of the main goals of this work is to understand if an updated stellar evolution

model will return a different mass to the ISM. In this subsection, we investigate how

changing metallicity, tracks and SN explosion mechanisms affect the cumulative mass

fraction function and we quantify the total mass returned in the ISM by the end-life

phase of a simple stellar population. We calculate the integral function in time of the

mass ejection (i.e. we sum all the ∆M in eq. 3.3 until time t) to get the total mass

released by stars in the final stage. To do this we evaluate the following integral using

the trapezoid method:

Mtot(t, Z) =

∫ t

t0

Ṁ(t, Z)dt, (3.4)

Where t0 is the simulation time at which the SSP is initialized (we take, without loss of

generality, t0 = 0 for convenience), t is the age of the SSP and Ṁ is the mass ejection

rate that we discussed in section 3.4.3. Mtot(t, Z) is the cumulative function of the mass

returned in the ISM.

We first investigate how changing the metallicity leads to different total cumulative mass

ejection. We report the results in Fig. 3.13.
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Figure 3.13: Total cumulative mass ejection fraction by the SSP obtained employing SEVN

and PARSEC tracks with λov = 0.5 and the delayed formalism for SNII. Two different values

for the metallicities are reported, as indicated in the legend.
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We notice how at 1010 yr the mass fraction function assume basically the same value for

different metallicity values. If we observe the efficency function for different metallicity

(Fig. 3.7), this result might not be expected. The equivalence between the total mass

returned of the two metallicity is caused by the shorter lifetime of lower metallicity stars,

resulting in a higher end-life rate (see Fig. 3.6). In fact a shorter lifetime of stars makes for

a wider range of stars exploding in the same timestep, enhancing the mass ejected. For

this reason in Fig. 3.13 we observe an steeper curve corresponding to Z=0.0004 respect

to the Z=0.02. For the lower metallicity Z = 0.0004 we have a section of the plot

between 4 Myr and 8 Myr where the cumulative function flattens, this correspond to

the decrease in the efficiency function observed in Fig. 3.7. We also notice that the bump

in the ejection rate at around 109 yr correspond to a sudden increase of the cumulative

function, this is more visible for the Z = 0.02 case. If we compare the results of different

metallicities using plots obtained with other tracks and SNII explosion models, we obtain

similar dependencies on Z.

We then report in Fig. 3.14 how changing stellar tracks impacts the total mass ejected.
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Figure 3.14: Total cumulative mass ejection fraction using SEVN. This plot shows the de-

pendence if the total mass return fraction on the adopted stellar tracks.

In the figure, we see how changing tracks does not significantly influence the total re-

turned mass fraction for end-life stellar mass loss. This is an important result. We showed

86



3 Model Construction

that with the current implementation of stellar evolution in our MW-type galaxy sim-

ulation the overshooting parameter, in the range we are able to investigate, does not

seem to influence the total mass return fraction. This imply that for the range investi-

gated in this work, the overshooting parameter do not influence the total mass return

fraction. The similarity in the cumulative ejection fraction was expected since the mass

ejection rate in Fig. 3.11 does not differ much between stellar evolutionary tracks. The

cumulative function smooths the differences between the ejection rates from different

tracks even more. As already discussed, for low-mass stars we use only Mesa tracks. All

the cumulative functions from different tracks are the same when we reach τS(2.2M⊙)

end-life time, this makes all the cumulative functions identical.

We now analyze how the explosion models for SNII explosions affect the total mass

ejected.
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Figure 3.15: Total mass ejection fraction by the SSP using SEVN.For this plot, we used the

different formalism for SNII explosion at the solar metallicity using the λov = 0.5 track from

PARSEC, as indicated in the legend.

In Fig. 3.15 we see how different models lead to different cumulative mass ejected. The

difference is around the 2% of the total mass of the SSP. The discrepancy is much

more pronounced with respect to the case in which we use different evolutionary tracks

(Fig. 3.14). We notice how the main cause that leads to different results is found in the

region between 4Myr and 8Myr, the same region where we have the largest discrepancy
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between the models in the mass ejection rate (Fig. 3.12). Even if the mass ejection rate

in the corresponding part of the plot differs by 1 order of magnitude between models,

we do not see a prominent change in the total mass ejected. This is due to the fact

that most of the mass of the SSP is in stars that have M ≤ 10M⊙ (i.e. 80% of the

total mass of the population for Chabrier IMF) where we do not have much difference

between different tracks or SN explosion models. All these considerations allow us to

choose a fiducial track and a fiducial SNII formalism that represent the other possible

combinations as well.

3.5 Stellar Winds

The goal of this section is to build a novel model for the continuous mass ejected via

stellar winds from the SSP. In order to do this, we need to adopt the following steps. In

the output file from SEVN, we select the columns containing the time and the numerical

discrete derivative of the mass of the star, i.e. the mass ejection rate from winds of a

single star (Fig. 3.1).

We interpolate for each star the output’s times with the corresponding mass ejection rate

value throughout the main sequence phase. We call the interpolated function describing

the mass ejection rate of a single star at every time W (M, t). The adaptive timestep

method used in SEVN makes the times saved in the output different for every simulation.

We need to characterize the mass ejection rate at some common time for all the stars in

the adopted mass sampling. This is a mandatory step if we want to get the total mass

ejection rate from the winds of all the stars in the SSP. After initializing a ”universal”

time t we evaluate for all the sampled stellar masses and for all the selected time values

the function W (M, t). Our goal is to obtain the mass ejection rate from winds of all the

SSP at any given time t. To get this we need to take the W evaluated at every time,

weight it with the adopted IMF to take in account the population of stars at a specific

mass and integrate it over a prescribed mass range. This results in

Ṁw(t) =

∫ min{M(t,Z),100M⊙}

0.1M⊙

W (m, t)ϕ(m)dm (3.5)

In eq. (3.5) the integration is performed in the mass interval 0.1M⊙ < M <

< min{M(t, Z), 100M⊙}. If all the stars are alive we use the range in which the IMF

is normalized if instead at time t some stars already left the main sequence, the integra-

tion is performed up to the most massive star that is still in the main sequence phase.

Adopting this range of masses in the integral 3.5 means that we take the mass loss from
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stars M ≤ 0.8M⊙ negligible, this because our sample of masses simply does not have

stars with masses lower then 0.8M⊙. We justify this by saying that stars in the range

0.8M⊙ < M < 8M⊙ gives basically no net contribution to the total mass ejected via

winds (see Fig. 3.17). It is then safe to assume that even lower mass stars (M < 0.8M⊙)

will not contribute to the total mass ejected.

We can integrate with trapezoids eq. (3.5) and get the mass ejection rate produced by

stellar winds. We show the rate obtained with this procedure for different metallicities

in Fig. 3.16.
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Figure 3.16: Mass ejection rate from the continuous mass losses (winds) for all the SSP. We

plotted results for different metallicities as indicated in the legend. This was obtained using

the delayed formalism. In this case, we show the results obtained with the PARSEC λov = 0.5

tracks.

Notice how the winds contribute to the mass ejection at approximately the same rate as

the SNII until t ∼ 107 yr. Then, very massive stars explode and the wind contribution

becomes almost 4 orders of magnitude less than the one at the beginning of the SSP

evolution and continues to decrease. We expect winds to be a relevant part of the mass

ejected especially in the very first part of the SSP life. For low metallicity the wind

contribution is almost 30 times less respect to the solar metallicity case, showing a clear

dependence on the metal content. We do not report plots for different SN explosion

models and different stellar tracks since in our work we found that this choice does not
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have a significant impact on the total mass returned.

Finally, we can integrate the ejection rate eq. (3.5) and get the total mass fraction ejected

by winds. We report this in 3.17.
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Figure 3.17: Total mass ejection fraction from winds of the SSP. We plotted result for different

metallicity, as indicated in the legend. Also in this case we used the PARSEC λov = 0.5 tracks

and delayed formalism for SNII explosions; all the other choices give equivalent results.

The trend with metallicity suggests that the mass loss at low metallicity is essentially

negligible.

3.5.1 Interpolating Mass Ejection Rate by Stellar Winds

Implementing the procedure described above to calculate the contribution of stellar winds

to the mass loss in SMUGGLE code would have the disatvantage of a high computational

cost. Therefore, we decide to implement the new model for winds in a more effective

way. We sample the ṀS(M, t) function at ∼ 20 representative points. Then we store

the sampled data in a hdf5 file that is readable by SMUGGLE. This procedure is similar

to the one adopted for the end-life mass ejection, but in this case we sample times and

not stellar masses. This a crucial change since sampling times makes the mass return

from winds dependent on chosen the stellar evolutionary tracks and the IMF needed to

perform integral in eq. (3.5).
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Figure 3.18: Mass ejection rate from winds from the integral 3.5 compared with the sampled

one. We used the λov = 0.5 tracks and show the outcome for solar metallicity.

In Fig. 3.18 we see how thissampling was performed. Notice how we choose to not make

a finer sampling the range from 107 yr to 108 yr. This is because the winds ejection rate

is mostly a concave function. This implies that the linear interpolation will inevitably

under predict the value of the function calculated numerically in eq. (3.5). To understand

how much the sampled function differs from the original function obtained numerically,

we compare the total mass fraction (i.e. the cumulative integral of the wind mass return)

of the two cases (Fig. 3.18).
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Figure 3.19: Mass ejection rate from winds from the integral 3.5 compared with the sampled

one. We used the λov = 0.5 tracks and show the outcome for solar metallicity.

We notice how even if we adopted the caveat of under sampling convex region the cu-

mulative integral of the sampled winds ejection rate is less then the numerical one. This

is due to the fact that most of the ejection happens from 105 yr to 107 yr where the

function is concave. In the region where we under sample the ejection rate is 4 order of

magnitude less then the initial value for winds, so we expect a very mild effect. Notice

that the sampled winds fall short of less then 1/1000 of the calculated winds, which we

can consider negligible.
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4
Comparison and discussion

4.1 Introduction

In this thesis, we presented various approaches for implementing stellar evolution in

galaxy formation simulations. In particular, we analyzed two widely used approaches:

the FIRE and the SMUGGLE models. In FIRE-3 (Hopkins et al., 2022) analytic fitting

functions were adopted to parameterize stellar evolution and in particular the rate of

SNII explosions and mass ejection. Our work, instead, focuses on the approach used

in the SMUGGLE model (Marinacci et al., 2019), originally introduced in Vogelsberger

et al. (2013), in which pre-computed tables are used to reconstruct the stellar evolution.

The goal of this chapter is to compare and discuss these methods and try to interpret

how their different outcomes would impact a simulation of a Milky Way type galaxies.

This is done by comparing the mass ejection rate and the total mass ejected by the

modeled stellar populations in FIRE and SMUGGLE (with both the old approach and

the new SEVN tables developed in this work). Then we compare the mass of metals

and the single elements returned by the two models. As anticipated in the previous

chapter, we need assume fiducial parameters for the new model. In particular, we use

PARSEC tracks with overshooting parameter λov = 0.5 and delayed SN formalism for

SNII explosions. We chose these specifics for various reasons. The λov = 0.5 tracks are

the ones used as a reference in all works that involve the SEVN code (Iorio et al. 2023),

while the delayed formalism presented in Fryer et al. (2012) is well corroborated. Also,
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using the delayed formalism has the advantage of setting an upper limit in the mass

fraction returned for all the other models (Fig. 3.15).

4.2 Mass ejection rate

In this section, we compare the mass ejection rates obtained with the different models

analyzed in this thesis. We start by comparing the mass ejection rate of Hopkins et al.

(2022), Portinari et al. (1998) (used in the original SMUGGLE implementation), and the

new model we built with SEVN. We consider all the contributions to the mass ejection,

namely stellar winds, SNII explosions, and AGB mass ejection. We do not consider at

this stage SNIa for various reasons. Namely, from the previous analysis (see Fig. 2.2.1),

we demonstrate that their contribution to total mass return is negligible, and the two

parameterizations from Hopkins et al. (2022) and Marinacci et al. (2019) are equivalent.
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Figure 4.1: Mass ejection rate for the three models analyzed in this work at Z = 0.02. We

sum all the contributions, so the lines are the combined effect of stellar winds, SNII, and AGB

mass loss.

Fig. 4.1 shows very interesting results. For t < 3 ∗ 106 yr the mass ejected by stellar

winds is the only contribution to the mass ejection rate. As we discussed in section 2.3.1

the winds implemented in Marinacci et al. (2019) are taken from the parametrization
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given in Hopkins et al. (2018), which has a shape similar to the one in Hopkins et al.

(2022). They are both constant during early times and then start to grow until SNII

begins to explode. The difference between the two parameterizations is that the mass

ejection rate by winds from Hopkins et al. (2018) is almost a factor of three larger than

the value from the winds in Hopkins et al. (2022) at any given time. While for Hopkins

et al. (2022) and Portinari et al. (1998) winds are constant and starts to increase, the

trend for the new model is different. The new SEVN model has a mass ejection rate by

winds that is almost an order of magnitude higher than the other two for the first 105 yr

and then it starts to decrease. At t = 106 yr SEVN wind mass loss rate has the same

value as the wind rate from FIRE-2 and then when SNII starts to explode it becomes

two orders of magnitude smaller compared to the FIRE models. We expect a higher

mass ejection for the new model at the very early evolutionary stages of the SSP. To

fully characterize these features, we will compare the total mass ejected by the different

models in section 4.3.

When SNII starts to explode the SEVN model has a lower mass ejection rate. This is

due to the new efficiency function fSeff (M,Z) (see subsec. 3.4.2 for a detailed discussion)

that presents many new features and a different behavior with respect to the one used

in Marinacci et al. (2019) (Fig. 2.14). In particular, for stars that have M > 20M⊙ the

new model considers more sophisticated end-life mechanisms, like direct collapse, that

make the shape of the mass ejection rate more complex. The new features of the model

are evident in the ejection rate in Fig. 4.1, especially in the interval between

3 ∗ 106 yr < t < 107 yr. It is interesting to notice how in the SEVN model the new

and finer sample of stellar masses makes the sudden variations in mass ejection rate (the

typical ”step-like” appearance) smaller with respect to the old model obtained with a

less refined sample. This justifies even more the choice of a new set of stellar masses.

The Hopkins et al. (2022) curve tends to fall in between the new and old model.

All these functions become equivalent from ∼ 107 yr and follow a power law-like behavior.

However, a key difference between the interpolated model (both from Portinari et al.

(1998) and SEVN) and the FIRE-3 emerges. In fact, after t ∼ 5 ∗ 107 yr, when all SNII

have exploded, the rate in the FIRE-3 model drops more than an order of magnitude

and stays at this level until t ∼ 109 yr. This drop is unusual, and we could not find a

suitable explanation for it. In Hopkins et al. (2022) it is stated that the bump at 109

yr is due to the onset of the AGB winds. We were not able to reproduce this behavior

from FIRE-3 using both Portinari et al. and SEVN tables. After t ∼ 109 yr the value

of FIRE-3 starts again to resemble the other models. Notice how in both SMUGGLE

models (namely the model from Portinari and the one obtained with SEVN) we have
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a bump in the mass ejection rate around t ≈ 109 yr. As we discussed in the previous

chapters, this is due to the lifetime function being flatter (see section 3.4.1). The new

SEVN model gives a less prominent bump at earlier times.

We also analyze our results at low metallicity (we used Z = 0.0004, Z = 0.02 Z⊙ in terms

of solar metallicity) to highlight the different behavior of less evolved stellar systems in

the presented models. We report the ejection rate for Z = 0.0004 in Fig. 4.2.
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Figure 4.2: The same as Fig. 4.1, but for Z = 0.0004.

At lower metallicity, we generally observe a lower ejection rate compared to the solar

metallicity case, especially in the part before SNII explosions stop (t ≈ 3 ∗ 107 yr). As

mentioned for the Z = 0.02 figure, the first part of the plot (t < 3 ∗ 106 yr) is also

dominated by winds. In this case, the SEVN winds remain approximately an order of

magnitude above the two other models. We notice how the shape of the winds from

the SEVN model resembles much more the one of FIRE-2 but shifted to higher values.

Instead, FIRE-3 shows a completely different behavior by staying below the other models

and then starting to increase before SNII begins to explode. At times when the mass

ejection is dominated by SNII explosions, we have the largest differences between models.

The new SEVN model presents a fall in the value of the rate after the SNII starts to

explode. As discussed in subsection 3.7, this is caused by the direct collapse of massive

stars into black holes. This drop in the ejection rate is absent in both FIRE-3 and

96



4 Comparison and discussion

Portinari models. After this dip, the SEVN model assumes the same value as the one

based on Portinari. One difference we notice relative to the high metallicity case is that

around t ∼ 2 ∗ 109 yr, the new model ejects more mass per unit time with respect to

the Portinari one. This is because the new lifetime function from SEVN assumes smaller

values for stars with M < 2M⊙, leading to a highr end-of-life rate. The bump for the

Helium flash in Portinari is at later times and more prominent with respect to the new

SEVN model also at this low metallicity case.

Comparing the ejection rates, we expect differences in how the new SEVN model impacts

the galaxy formaiton simulations in which would be implemented. The mass ejection

rate from winds show an higher value for the new SEVN model in the initial phase, this

implies that more mass is returned in the very early times of the SSP’s life. In time

intervals where ejection is dominated by stars’ end-life events, the new SEVN model

predicts an equal or lower value with respect to the old model from Marinacci et al.

(2019). In our implementation winds contain the same metal content as the SSP. The

total mass ejected is affected by both the winds being substantially different between

SEVN and the other two models and the end-life ejection being lower or equal, this does

not allow us to clearly state if the new SEVN model will yield a larger or lower total

mass return to the ISM with respect to the others. This aspect is analyzed in the next

section.

4.3 Total ejected mass fraction

In this section, we compare the total ejected mass fraction across the different models

examined in this work. At any timestep of its evolution, every stellar particle expels a

quantity of gas given by eq. (2.8), where ∆t is the timestep considered. We can recover

∆M by simply taking the cumulative mass ejection fraction function Mtot = Mtot(t, Z)

(see Fig. 2.18 and Fig. 3.13 as examples) and calculate it for t and t + ∆t. In this

way ∆M = Mtot(t+∆t)−Mtot(t). This means that comparing directly the cumulative

functions of different models allows us to directly evaluate the mass that a stellar particle

is returning to the ISM at any given SSP age. We report in Fig. 4.3 the mass ejection

fraction for the different models analyzed here at solar metallicity.
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Figure 4.3: The cumulative ejected mass fraction for the three models presented in this work

is shown for Z = 0.02. We sum all the contributions so the lines encapsulate stellar winds,

SNII, and AGB losses.

In Fig. 4.3 we can better quantify the differences between models already discussed in

section 4.2. Starting from early times (t < 106 yr) stellar winds dominate the mass

ejection. As expected, the new SEVN model gives an earlier and larger contribution to

the mass ejection at this evolutionary stage; however, wind contribution runs out earlier

than in the other models considered in this analysis. This is evident in the plateaus dis-

played by the green curve before SNII starts to explode at t ≈ 2.5 ∗ 106 yr. In Fig. 3.17

we see that the total contribution of winds from SEVN is around 3% of the total mass

of the SSP. FIRE-2 O/B winds (Fig. 2.18) arrive instead at 15%, while in FIRE-3 is 8%

(Fig. 2.7) of the total mass ejected. This is probably due to our approximation in which

the mass expelled in the post main-sequence (i.e. after the wind phase) is released during

the SNII explosion, making the wind less important in the total mass budget.

SNII starts to explode roughly at the same time for all the models; once this happens

both FIRE-3 and Portinari surpass the SEVN model. This is also due to the fact that,

differently from the new SEVN model, in which winds start to exhaust before the start of

the SNII explosion, in both Portinari and Fire-3 prescriptions winds still inject a relevant

quantity of mass during the explosions of SNII, making the ejection mass fraction have

a rapid increase when SNII start to explode. Remarkably, the Fire-3 model has a rapid

98



4 Comparison and discussion

change in the slope after SNII stops to explode, this corresponds to the sudden decrease

in the ejection rate that we observe in the orange curve in Fig. 4.1. At the time in which

SNII stops to explode (t ≈ 3 ∗ 107 yr), the total mass ejected from the SEVN model and

the FIRE-3 model is almost the same. We notice that while for Hopkins et al. (2022) the

mass ejected from winds and the mass ejected from SNII explosions are equal (11% for

SNII explosions, 9% for stellar winds), for the SEVN model SNII carry much more mass

(3% winds, 17% SNII). This is probably another effect of our assumption in constructing

the model all the mass in the post main-sequence is expelled in the explosion. This is

confirmed also by the average ejecta mass of an SNII event, in Hopkins et al. (2022)

they give an average ejecta mass of Mavg
SNII ∼ 8.72 M⊙ while for SEVN this value is

Mavg
SNII ∼ 12 M⊙. After all SNII have exploded, the new SEVN model and the Portinari

model have approximately the same slope. This is expected since the mass ejection rates

in Fig. 4.1 are the same after t ∼ 107 yr. Notice how the bump in the rate in both

Portinari et al. (1998) and SEVN model makes the cumulative function have a sudden

increase.

The old model from Portinari returns roughly 47% of the mass to the ISM at 1010 yr.

The results of this work show that the new SEVN model predicts at the same time a

returned mass fraction of 42%, reducing the total mass ejected by 5% of the total. While

this might not seem a relevant change, notice that this difference comes mostly from the

different mass returns of SNII. Most of the gas that can be reused after being processed

inside a star comes from the first 108 yr of the SSP. At t = 108 yr the cumulative mass

returned by the old model is 25% while it is 20% for the SEVN model. This means that

the old model has returned almost the 25% more gas with respect to the new one at

t = 108 yr. This gas is available for forming a new star at that time. Therefore, taking

into account all the aspects discussed, we expect a (likely mild) reduction in SFR if we

adopt this new model inside hydrodynamical simulations that model galaxies.

Even if the SEVN model does predict less mass returned with respect to the old SMUG-

GLE implementation, the FIRE-3 model returns 10% less mass with respect to SEVN at

t = 1010 yr, mostly because form 3 ∗ 107 to 109 yr the SSP does not lose any mass. This

implies that almost all the mass of the stars ending their life from 3 ∗ 107 yr < t < 109

yr would be stored in the remnant.
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Figure 4.4: The same as in Fig. 4.3, but for Z = 0.0004.

We also report the same graph at low metallicity (Z = 0.0004) in Fig. 4.4, lower metallic-

ity systems correspond roughly to SSP that formed earlier in the evolution, by comparing

the different predictions of the models we can understand how the mass is re-injected

in the early stages. Comparing Fig. 4.3 with Fig. 4.4 we notice a decrease in the total

mass returned at t = 1010 yr at lower metallicity for all the models. In the first part

of the plot (t < 3 ∗ 106 yr), only winds are present, the cumulative mass ejected by

these winds is negligible with respect to the mass ejected by SNII. In both Portinari

and FIRE-3 models, winds start to inject a relevant quantity of mass when SNII starts

to explode (Fig. 2.7). In the Portinari model winds make up 5% of the total mass of

the SSP, while in FIRE-3 they only account for 1%. In our SEVN model winds at low

metallicity always give a negligible contribution to the mass loss (Fig. 3.17). The dip in

the ejection rate for the new SEVN model at 4 ∗ 106 − 7 ∗ 106 yr in Fig. 4.2 alters the

cumulative function and makes the green curve approximately constant in the interval

4 ∗ 106 − 7 ∗ 106 yr. This approximately flat trend in the ejection is the reason why also

in the low metallicity case the new model predicts less total mass returned at t = 1010 yr

compared to the old SMUGGLE model. The difference between the cumulative function

of the two models at t = 1010 yr is 3% of the total mass ejected. We highlight that after

the SNII explosions, the difference between the cumulative function of the two models

remains similar to the one that we reported at high metallicity, the discrepancy between
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the two starts to shrink for t > 2 ∗ 109 yr, where the ejection rate of the new model

is higher than the old one (Fig. 4.2). This is important since, as we discussed for the

high metallicity case, most of the reusable mass for SF is ejected in the first 108 yr. The

discrepancy of the new model with with FIRE-3 is in this case even bigger respect to the

Z = 0.02 case, reaching almost the 16% of the total mass. As mentioned in the previous

section, we were not able to find a satisfactory explanation for this discrepancy.

We want to emphasize that the SEVN model predicts less mass ejection relative to the

Portinari one at all metallicities. Is possible to argue that more updated model follow

this trend, since both SEVN and Hopkins et al. (2022) show less mass ejected respect to

older model like (Portinari et al., 1998). In the previous chapter we highlighted how the

difference between the two models emerges from the different remnant mass estimations

after SNII explosions.

4.4 Elemental yields

Elemental yields from stellar evolution are an essential ingredient in galaxy formation

simulations. Nuclear fusion alters the chemical composition of the gas, changing its metal

content, leading to enriched gas injected in the ISM, that will be used to form stars with

higher metal content. We expect different stellar evolution models to produce different

quantities of elements during the evolution of an SSP. In this section, we analyze how

the new SEVN model compares with FIRE-3 for each element ejected during the SSP

lifetime. We emphasize that we will show plots that do not consider the ejection of chem-

ical elements from SNIa. For elements like iron, these contributions are not negligible.

Still, the goal of this discussion is to show how the new SEVN stellar evolution model

compares to FIRE-3 in the synthesis of new elements. For this reason, we confront only

the metal production of stars, excluding SNIa, that we expect to have similar contribu-

tions.

In the previous chapter, we did not cover elemental yields from SEVN. This is because

SEVN does not currently feature elemental yields as a publicly available output. How-

ever, elemental yields are necessary if we aim to build new stellar evolutionary tables to

be employed in the future generation of galaxy formation simulations. We circumvent

this issue by using the yields from Portinari et al. (1998) re-normalized to the new values

of total mass ejected in the SEVN model. We define the new yields as:

ySi (m,Z) = yi(m,Z)
MS

tot

Mtot

(4.1)
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where ySi is the new yield for element i, MS
tot is the cumulative mass released by the

SEVN model at t = 1010 yr and Mtot is the one released in the Portinari et al. (1998)

model.

We want to compare the new SEVN model with Fire-3 (Hopkins et al., 2022) to

analyze potential discrepancies in the element production of the two models. To do

this we calculate, for both models, the cumulative mass ejection function of the traced

element in the tables. We report the results in Fig. 4.5.
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Figure 4.5: Mass ejection fraction for all common chemical elements between SMUGGLE

and FIRE-3. The figure compares the cumulative ejection fractions of elements from the new

model built with SEVN and the FIRE-3 model, as indicated in the legends of each panel. The

lines are the sum of the elements present in stellar winds, SNII explosions, and AGB.

In Fig. 4.5 we can notice various features that distinguish the two models. Hydrogen and

Helium follow a similar behavior to the total cumulative function of both models. Other

elements like C, Ne and Si follow a very different trend compared to the respective

cumulative function, but at t = 1010 yr the ratio between the yields of the two models

is similar to the ratio of their total cumulative ejected mass. Oxygen and Nitrogen

assume very similar values between FIRE-3 and the SEVN model, whereas in FIRE-3
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the production of Neon and Magnesium is much more prominent. We need to consider

that the total mass returned in FIRE-3 is 10% less than in the new model, in this way,

the discrepancy between the element production becomes even more relevant, with the

new model underpredicting the percentage of new elements formed, especially Mg, N, O,

compared to FIRE-3. These considerations suggest that more self-consistent modeling

of elemental yields is needed in the future if we want to create a more accurate model

for the chemical enrichment of galaxy formation simulations in the SEVN framework.

4.5 Metal yield

SMUGGLE calculates the cooling rate of the gas by using its total metal fraction (overall

metallicity) of the gas. It is thus instructive to evaluate the total metal mass directly by

defining a yield for all the metals production happening over the evolution of a SSP. We

also want to compare this quantity with the FIRE-3 total metal production. For FIRE-3

we sum all the cumulative functions of elements that are not Helium nor Hydrogen. For

the new SEVN model we can use the total metal yield (i.e., the total metal production)

of the SSP. We plot the cumulative functions of metals ejected by FIRE-3, (Portinari

et al., 1998), and SEVN models in Fig. 4.6.
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Figure 4.6: Metal ejection fraction of the three models described in this work, as indicated in

the legend. The figure compares the cumulative metal ejection fractions calculated at Z=0.02

In Fig. 4.6 some interesting features are noticeable. As expected based on the global

mass return (see sec. 4.3), the total mass of metals returned for the model by Portinari is

slightly larger than the SEVN one. It is interesting to see how the total metal injected by

the FIRE-3 is very similar to the new SEVN model. Even if both (Portinari et al., 1998)

and SEVN model predict a higher metal production at t = 1010 yr, we immediately notice

that the ratio between the total mass in metal and the total mass ejected is much higher

in FIRE-3. This might suggest that the current model is underproducing metals relative

to FIRE-3. We will test this hypothesis further when elemental yields will be available

as output for SEVN. This will be crucial since metals shape the chemical evolution of

the ISM, are used as tracers in many cosmological works and also shape the dynamical

properties of the gas by changing the rate at which it can cool.
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Summary and conclusions

In this thesis, we created a new stellar evolution model to be employed in state-of-the-

art hydrodynamical simulations of galaxy formation and evolution that make use of the

SMUGGLE ISM and stellar feedback framework for the AREPO code.We analyzed its

key properties and compared the results with two models from the literature: the original

SMUGGLE implementation and the stellar evolution model used in FIRE-3.

We started this work by reproducing the implementation of stellar evolution in FIRE-

3 model (Hopkins et al., 2022). In this model, stellar evolution is parameterized via ana-

lyitc fitting functions derived from the SSP evolution codes STARBURSTS99 (Leitherer

et al., 1999) with updated stellar evolution tracks. We chose the FIRE-3 model as a

benchmark for mainly two reasons: it represents one of the most advanced models used

in galaxy formation simulations and it employs a standard approach for stellar evolution

that is to parameterize it by supplying fits to relevant quantities (lifetimes, stellar mass

loss, SN rates, etc...) as a function of time.

We then focused on reproducing all the steps implemented in the SMUGGLE model

(Marinacci et al., 2019) to include stellar evolution. We choose SMUGGLE since the

code infrastructure for stellar evolution is similar to many other galaxy formation and

evolution models (such as Vogelsberger et al. 2013; Pillepich et al. 2018), making the

analysis carried in this thesis applicable to many other works in the field. Also, the

stellar evolution implementation in SMUGGLE utilizes data from a .hdf5 file, ensuring

high portability and ease of code improvement. We found it necessary to update the
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stellar evolution model currently implemented in SMUGGLE since it is based on the

work of Portinari et al. (1998), and also given the differences found between SMUGGLE

and the more recent FIRE-3 implementation. The analysis carried out in this work first

aimed at having a standalone Python code that performs the same steps as SMUGGLE

for stellar evolution. The first step is reading relevant data from the same hdf5 tables.

These tables contain an array of masses and metallicity, parameters associated with a

single star. For each data entry, the tables give: lifetime, mass ejected at the end of

life (considering all the post-main-sequence phases), the overall metal yield, and the el-

emental yield. By linearly interpolating between these points we derived the functions

describing the lifetime, the mass ejected and the yield given a generic mass and metal-

licity. We then integrated these functions and obtained the rate at which the stars leave

the main sequence, the mass ejection rate, and the total mass, total metal mass, and

the mass of each tracked element ejected by an SSP. We then proceeded to improve

the model by incorporating more recent stellar evolutionary tracks and a self-consistent

implementation of stellar winds. The main goal was to create a new set of hdf5 tables

that could be used by SMUGGLE and other galaxy formation physics frameworks that

share the same software infrastructure for stellar evolution (for instance the Illustris and

IllustrisTNG models). To accomplish this we run simulations of single stars using the

software SEVN (Iorio et al., 2023). We perform several simulations with SEVN, explor-

ing its parameter space, and changing the formalism for SN explosions, spin, and the

stellar tracks available. From these results we constructed several sets of hdf5 tables, that

we subsequently analyzed with the same code used for the original SMUGGLE model to

get the mass ejection rate, and the total mass returned. We also construct new tables

with a self-consistent implementation for the stellar winds of O/B stars based on the

outcome of the SEVN simulations. We then compared the three stellar evolution models

and discussed their differences.

We firstly noted how the original SMUGGLE model based on Portinari et al. (1998)

with stellar winds from Hopkins et al. (2018) had a mass returned at 1010 yr equal to

almost 50% of the total initial mass of the SSP, while the model of Hopkins et al. (2022)

returned just the 30%. The new SEVN model returns 42% of the total mass, confirming

that our new model will return less mass. This is important since we expect that with

less mass available the SFR of a galaxy simulated with this new version of the SMUG-

GLE model will decrease. We notice how the new model ejects mass in the ISM at a

lower rate, especially in the first 107 yr, as it is evident by comparing the mass ejection

rates (Fig. 4.1). One of the main features of the new model is that it takes into account

the direct collapse for star’s end life, leading to less mass released . It is worth noting
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that the model presented in Hopkins et al. (2022) stops losing mass after the end of SN

explosion phase of the SSP, and then the AGB winds start again to inject mass in the

ISM at 109 yr. We were not able to reproduce this behavior and defer an explanation of

this difference to future work.

In this thesis, we also identified and characterized features of the stellar evolution model

implemented in SMUGGLE. We showed how the interpolation procedure creates un-

wanted discontinuities in the rate function, but, because of the integration procedure

involved, these jumps are smoothed in the function describing the total mass return.

We also noticed that the number of stellar masses used to sample the SSP in the old

tables was too small to accurately describe its evolution, eventually leading to those

pronounced ”jumps” in the rate functions. We then decided to enhance the number of

stars on the sample to improve its granularity and get a better description of an SSP in

the new model. Moreover, the variety of running options in SEVN allows us to study

how changing the running parameters alters the total mass returned by the SSP. We dis-

covered that no difference between the two available tracks with different overshooting

is found, suggesting this parameter might not have a large impact on this quantity. We

also investigated how different supernova formalisms may affect the mass return. We

found a discrepancy of maximum ∼ 2% between models of explosion. Based on these

results, we decided to adopt the PARSEC tracks with λov = 0.5 tracks with the delayed

formalism as a fiducial model.

We also carried out a comparison between the metal ejection of both FIRE-3 and the old

SMUGGLE model. We found that the ratio between metals and total mass is systemati-

cally lower in SMUGGLE (4% of the mass ejected is in metals at 1010 yr) with respect to

Hopkins et al. (2022) (5.5% of the mass ejected is in metals at 1010 yr), especially in the

production of some metals (such as Mg). To build a table usable by SMUGGLE we need

to add the single metal yield. We then renormalized the mass yields of the old model

to the new mass ejected for the SEVN model. This leads to less total metal production

since the metal-to-mass ratio is defined to be the same as in SMUGGLE.

Given the fact that our new stellar evolution tables predict less mass returned by the

SSP, we expect that the SFR of a galaxy simulated with the new model to be reduced

with respect to the original one, with a lower overall ISM metal pollution. To unam-

biguously confirm this hypothesis we would need to run galaxy simulations with our new

stellar evolution model. In this way, we would be able to directly test on a galaxy scale

the impact of this new implementation of stellar evolution on the SFR, the metal pollu-

tion, and other properties such as the multiphase distribution of the ISM, and potential

modification of simulated scaling relations. This is a path forward that we intend to
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explore in the future.

Is also possible to use the codes developed in this work to analyze the results of simula-

tions that implement stellar evolution in the same way as SMUGGLE, but do not take

in account metal production. We could use the code to trace back the production of

metals and quantify it.

As for the current public release of SEVN, no yields for metals or individual elements are

given in the output. When the yields for single elements become available, we will imple-

ment the new metal production in the tables, creating a completely self-consistent model

for stellar evolution. With the code developed in this work, this would be a straightfor-

ward task to accomplish as soon as the simulations with SEVN are performed. Using the

complete model with SEVN yields will allow us to carry out a more detailed comparison

between simulations with different implemented stellar evolution models.

One key advantage of SEVN is the possibility of adding new sets of stellar tracks to

the software to perform new simulations. This feature will allow us to use the code de-

veloped in this work to update stellar evolution tables with the most up-to-date stellar

evolution tracks very effectively. For this purpose, it would be useful to develop in the

future an automatic pipeline that takes as input the array of stellar mass, metallicity,

stellar tracks, SNII formalism, etc., and automatically creates new tables ready to use.

This will allow us to have a continuously updated implementation of stellar evolution,

reducing the time and effort involved in the creation of new tables.

It would also be interesting to adapt the tables for larger simulation efforts, such as

IllustrisTNG, to check the impact of this new model on the evolution of the gas (and

galaxies) on cosmological scales.

Finally, SEVN is also suited for simulating binary-star systems. Therefore, we could

use SEVN to take into account this aspect in our stellar evolution model. We could do

this by constructing tables that encode binary evolution in way similar to what it was

used for single stars, an array of stellar mass pairs at a given metallicity. This is not

straightforward and many assumptions will need to be made, such as the distribution of

the distance between stars, the distribution of masses in the binary system, etc. In this

way no parameterization for SNIa is in principle needed since their rate of the explosion

would be encoded in the tables. This would be true also for BHs mergers, which gen-

erate GW that could become another outcome self-consistently derived from the galaxy

formation simulations to be compared with the available observational constraints.

In summary, in this work, we created, analyzed, and compared stellar evolution models

for hydrodynamic simulation of galaxy formation and evolution. We also laid the foun-

dation for a pipeline that will allow us to create and update such models very effectively
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and with little effort. We also expect this type of work to be expanded to include binary

star evolution to continue improving how stellar physics is taken into account in N-body

hydrodynamic simulations of galaxies.
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Appendixes

A .hdf5 files

The Hierarchical Data Format version 5 (HDF5), is an open source file format that

supports large, complex, heterogeneous data. HDF5 uses a ”file directory” like structure

that allows users to organize data within the file in many different structured ways (see

https://www.neonscience.org/ for more details). Opeining a hdf5 file we found datasets,

lists of data readable by the user, and groups, a list of datasets and other groups. The

tables readble by SMUGGLE and used to reconstruct the stellar evolution model are

present in this way

• Masses Dataset {number of masses}

• Metallicities Dataset {number of metallicities}

• Number of masses Dataset {SCALAR}

• Number of metallicities Dataset {SCALAR}

• Number of species Dataset {SCALAR}

• Reference Dataset {STRING}

• Species names Dataset {number of species}

• Yield names Dataset {number of metallicities}

• Yields Group

Inside the Group Yields we find, for each metallicity, a collection of datasets. These

datasets are:

• Ejected mass Dataset {number of masses}
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• Total Metals Dataset {number of masses}

• Yield Dataset {number of masses, number of species}

where ejected mass is the mass ejected in the post main sequence phase by a star, the

total metals is the total metal yield as defined in eq. 2.3.1, and the yields contain the

element variation for each species tracked by the model.

B Interpolation of the lifetime function

The SNII rate obtained using the interpolation technique in SMUGGLE leads to a oscil-

lating function. This shape is rather unlikely to occur in reality, if not unphysical. In this

work we propose a new way to address the problem and we show that the main source

of this oscillating behavior is the linear interpolation used in SMUGGLE to determine

stellar lifetimes. We propose a proof of concept way to eliminate this problem. The idea

is to fit the lifetime function with a polynomial of a higher degree. This method can be

pretty straightforward to implement and adopt. In fact, we could simple create a new

lifetime table where, instead of passing for each sampled mass mass a lifetime, we pass n

coefficients of the n-degree polynomial. In this way the new lifetime function becomes:

τ(M) =
n∑
i=0

aiM
i (B.0)

where ai is the coefficent of the ith grade coefficient of the polynomial. These coefficents

are obtained by using the python function polyfit that minimize the the χ2 by fitting in

the data a n-grade polynomial. In Fig. B.1 we show how the results would look like for

the fitted lifetime function and the SNII rate of explosion.
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Figure B.1: On the left, the lifetime function for massive stars (M > 8M⊙) obtained by

fitting a 10-degree polynomial at solar metallicity. To avoid overfitting, we used a 10-degree

polynomial since the number of data points is 11. On the right, we have the comparison

between the SNII rate of explosion obtained from the interpolated lifetime function (orange)

and the fitted lifetime function (blue).

We notice how the SNII rate is completely smooth. This comes at the cost of making

the fitting function not passing precisely by the data points. In order to have a reliable

model with this method we would need to quantify the error on the lifetime function, this

can be done by comparing the fitted lifetime function with a lifetime function obtained

with a very fine sampling of stellar masses. In this way we can quantify the error of

both interpolation and fitting lifetime function. We leave this possibility open for future

work.

C New DeathMatrix implementation in SEVN

The new Deathmatrix formalism for SN explosions is implemented in SEVN using the

results of the table found in Woosley et al. (2020). This table contains the mass of the

remnant as a function of the initial mass of the star. SEVN interpolates between points

of the Woosley et al. (2020) table in order to find the remnant mass depending as a

function of the initial stellar mass. One limitation of this implementation is the fact

that pure helium stars are simulated. This implies that the remnant mass is derived

by SEVN using the mass of the He nucleus, basically expelling all the hydrogen in the

outer layer. Our slight modification to the code makes the hydrogen layer fall inside the

remnant if more then 99% of the mass of the helium nucleus is converted in remnant

mass. This in fact correspond to the direct collapse of the star into a black hole, so that

also the hydrogen outer layer is incorporated in the remnant. In Fig. C.2 we show how

this change affects the efficiency function.
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Figure C.2: Comparison between the old (orange) and new (blue) Deathmatrix efficiency

functions. Notice how the efficiency function for the new implementation drops when we have

a direct collapse (20M⊙ < M < 30M⊙), in fact the efficiency in this rate drops, since all the

mass of the star falls in the central black hole. For high stellar masses (M > 30M⊙), the mass

of the hydrogen is basically negligible, so the efficiency functions is essentially unchanged.
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città che mi ha ospitato durante questo percorso. Come non menzionare i miei leggendari

coinquilini che, tra tutto, mi hanno insegnato quanto si possa essere diversi e contempo-

ranemente simili e come si gioca davvero a Risiko.

Ovviamente, tra tutti i miei coinquilini, sono costretto a ringraziare personalmente
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cos̀ı ma a quanto pare è lore canonica ormai, credo), due persone che manifestano con-

tinuamente il loro essere unici in quanto individui e che invitano e ispirano le persone

intorno a loro a fare altrettanto, grazie mille per tutto (ora mi piacciano i tatuaggi btw).

Ringrazio Michele, il mio compagno di graduation, per aver partecipato al concerto più
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felicità del mondo e non credo nenanche sia abbastanza. Letizia, il tuo ringraziamento
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l’equilibrio.
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